
Maps	  of	  350	  µm	  dust	  con1nuum	  
emission	  toward	  a	  sample	  of	  water	  
masers	  associated	  with	  massive	  star	  
forma1on	  (Mueller	  et	  al.	  2002)	  



Maps	  of	  an	  IRDC	  in	  Spitzer	  IRAC	  (near	  
IR,	  leE),	  Spitzer	  MIPS	  (mid-‐IR,	  right),	  
and	  mm	  con1nuum	  (contours)	  
(Rathborne	  et	  al.	  2005)	  



Observed	  linewidth-‐size	  rela1onship	  
for	  a	  sample	  of	  massive	  star-‐forming	  
clumps.	  The	  top	  panel	  shows	  the	  
FWHM	  size,	  the	  boOom	  shows	  the	  size	  
of	  the	  10	  K	  km	  s-‐1	  contour	  (Shirley	  et	  al.	  
2003).	  
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Figure 5. (a) Top left: mass surface density, ΣSMF, map in g cm−2 of IRDC Core A1, extracted from the map of IRDC A (Figure 3). The core center is marked with
a cross. Saturated pixels, for which Σ is a lower limit of the true value, are marked with small white squares. The black dashed circle shows the radius enclosing a
total mass of 60 M⊙. The red solid circle shows the extent of the core derived from the best-fit power-law (PL) core plus envelope model (see the text). (b) Bottom
left: radial profiles of Core A1: observed log Σcl/(g cm−2) (blue open squares, plotted at annuli centers) derived from the map shown in (a); total projected enclosed
mass, Mcl, (blue long-dashed line (see right axis)); core mass, Mc after clump envelope subtraction (red dashed line (see right axis)); index of core PL density profile,
kρ,c , (red crosses); −log χ2 (red triangles) of the PL plus envelope fit (best fit has a maximum or local maximum value (see the text)); the best-fit PL plus envelope
model (blue solid line; dotted line shows range affected by saturation that was not used in the fitting); log Σc/(g cm−2) of best-fit core after envelope subtraction
(red solid squares) and PL fit (red solid line; dotted line shows range affected by saturation that was not used in the fitting). (c) Top right: Σc(r), i.e., after clump
envelope subtraction for the best-fit model (red solid squares; open squares show residual, post-subtraction envelope material). PL models with various values of kρ,c

are indicated (dashed lines), including the best-fit model with kρ = 1.88 (solid line). (d) Bottom right: as for (c), but for Bonnor–Ebert (BE) plus envelope fitting.
Σc(r), i.e., after clump envelope subtraction for the best-fit model (red solid squares). Best-fit BE model (solid line) and models varying cs (long-dashed lines) and P0
(dashed lines) by factors of two from this are shown (see the text).
(A color version of this figure is available in the online journal.)
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Figure 6. Core A1, A2, A3, B1, B2, and C1 Σ maps (notation as in Figure 5(a)) and azimuthally averaged radial profile figures (notation as in Figure 5(b)).
(A color version of this figure is available in the online journal.)
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Selec1on	  of	  massive	  cores	  (Butler	  &	  Tan	  2012).	  Black	  
circles	  show	  a	  radius	  enclosing	  60	  M¤	  of	  gas,	  and	  red	  
circles	  show	  best-‐fiXng	  radii	  for	  powerlaw	  profiles.	  



Intensity	  of	  SiO	  (2-‐1)	  emission	  (a	  shock	  tracer)	  vs.	  core	  mass	  for	  a	  sample	  of	  
massive	  cores	  with	  (red)	  and	  without	  (blue)	  mid-‐infrared	  emission	  (MoOe	  et	  al.	  
2007)	  



Radia1on-‐MHD	  simula1ons	  of	  a	  collapsing	  massive	  
core	  (Commercon	  et	  al.	  2012)	  

M/MΦ	  =	  120	   M/MΦ	  =	  2	  

The Astrophysical Journal Letters, 742:L9 (6pp), 2011 November 20 Commerçon, Hennebelle, & Henning

Table 1
Models Parameters

Model µ αturb ∆xmin Coarse Grid t0
(AU) (Myr)

SPHYDRO ∞ ∼10−5 2.16 1283 0.4786
MU130 ∼136 ∼0.2 2.16 2563 0.4935
MU5 ∼5.3 ∼0.2 2.16 2563 0.5397
MU2 ∼2.3 ∼0.2 2.16 2563 0.5982

observed values (e.g., Falgarone et al. 2008). We also inves-
tigate an almost spherical case with no magnetic field and no
turbulence (model SPHYDRO) to serve as simple reference with
respect to which the other simulations can be compared. All the
simulation parameters are summarized in Table 1. Future work
will imply further investigations on the effects of turbulence or
rotation, but this goes beyond the scope of this Letter.

2.2. Numerical Method

We use the adaptive mesh refinement code RAMSES (Teyssier
2002), which integrates the self-consistent equations of RMHD
using ideal MHD (Fromang et al. 2006; Teyssier 2006),
and flux-limited diffusion for radiation (Commerçon et al.
2011b).

We impose a refinement criterion NJ = 10, which ensures that
the local Jeans length is resolved by at least 10 cells. The initial
grid contains 2563 cells and we use 10 levels of refinement
for an effective resolution of 2621443 and a minimum grid
size of ∼2.16 AU. We apply periodic boundary conditions for
hydrodynamics and gravity, and we impose a temperature of
10 K for the radiation at the edge of the box.

3. RESULTS

3.1. Qualitative Description

In this section, we qualitatively describe the results of the four
calculations. Calculations are synchronized at the time t0 when
the maximum level of refinement is reached (see Table 1). The
subsequent evolution after t0 strongly depends on the physical
conditions (rotation, outflows, etc.). At t0, the first hydrostatic
core (FHSC; Larson 1969) is forming. As expected, we note that
the stronger the magnetic field is, the later the collapse occurs
because magnetic fields “dilute” gravity. In Figure 1, column
density and local Jeans length maps of the four calculations
are shown in the xz-plane. The boxes are centered at the
maximum density of the total computational domain. In the
SPHYDRO model, only one central fragment is formed and
the collapse is nearly spherical. The mass of the fragment, i.e.,
where ρ > 1011 cm−3, at time ∼t0 + 2.6 kyr is ∼0.2 M⊙. The
integrated mass of the envelope from the fragment which is
stable against fragmentation, i.e., Mint/MJ > 1, is ∼30 M⊙ and
the accretion rate is ∼10−4 M⊙ yr−1.

In the MU130 model, the additional turbulent support clearly
favors fragmentation (six fragments are formed at that time) over
a region of 2000–4000 AU. The mean separation between the
fragments is about 1000 AU and they are distributed at this early
time along a filamentary structure. This separation corresponds
to the typical Jeans length associated with the region surround-
ing each fragment. The overall accretion rate on the fragments
is relatively low, ∼10−5 M⊙ yr−1, and consistent with the ones
obtained in the low-mass star formation framework. The mean
mass of the fragments is about 0.2 M⊙ (∼1.2 M⊙ in total) and
corresponds to the local Jeans mass.

In the MU5 model, the core has fragmented into two main
objects, one being formed by the merger of secondary fragments.
The fragmentation zone has the same filamentary morphology

Figure 1. Top: column density maps integrated in the y-direction for the four models: SPHYDRO at time ∼t0 + 2.6 kyr, MU130 at time ∼t0 + 25.4 kyr, MU5 at time
∼t0 + 7.5 kyr, and MU2 at time ∼t0 + 7.3 kyr. Bottom: local Jeans length and velocity field cut in the xz-plane for the same calculations and at the same time as in the
upper row.
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200	  M¤	  centrally-‐condensed	  core	  (Myers+	  2013)	  
Both	  simula1ons	  use	  MHD,	  sink	  par1cle,	  AMR	  

Isothermal	   Radia1ve	  



Light	  to	  mass	  ra1o	  due	  to	  accre1on	  (leE,	  blue)	  and	  required	  to	  heat	  the	  core	  
throughout	  and	  halt	  fragmenta1on	  (leE,	  red),	  and	  cri1cal	  column	  density	  needed	  to	  
stop	  fragmenta1on	  (right)	  (Krumholz	  &	  McKee	  2008).	  



Outcome	  of	  a	  series	  of	  nested	  
grid	  non-‐ideal	  MHD	  simula1ons	  
as	  a	  func1on	  of	  b	  (=	  ra1o	  of	  
magne1c	  to	  thermal	  pressure	  in	  
ini1al	  cloud)	  and	  ω	  (=	  ra1o	  of	  
rota1on	  period	  to	  free-‐fall	  1me)	  
(Machida	  et	  al.	  2008).	  Note	  
background	  colors:	  blue	  =	  direct	  
fragmenta1on,	  red	  =	  disk	  
fragmenta1on,	  gray	  =	  no	  
fragmenta1on,	  green	  =	  could	  not	  
follow	  calcula1on	  far	  enough	  to	  
determine	  outcome.	  



Outcome	  of	  parameter	  study	  of	  
fragmenta1on	  with	  ideal	  MHD	  
(Machida	  et	  al.	  2005).	  Black	  and	  
purple	  symbols	  indicate	  type	  of	  
fragmenta1on,	  if	  any,	  for	  cores	  
with	  an	  ini1al	  density	  of	  500	  
cm-‐3.	  	  	  



Sample	  outcomes	  from	  the	  
disk	  fragmenta1on	  
simula1ons	  of	  KraOer	  et	  al.	  
(2010).	  	  

Parameter	  space	  study	  of	  
possible	  outcomes	  from	  
KraOer	  et	  al.	  (2010)	  



Zhang+	  2014	  

tion pressure disrupts dusty Bondi-Hoyle accretion for pro-
tostellar masses ! 10 M⊙. Protostellar outflows, such as
those included by Wang et al. (2010), also impede local ac-
cretion to a star from some directions around the accretion
radius. This issue is examined further in §2.4.

In sum, the key distinction between Competitive and
Core Accretion is whether competitive, “clump-fed” accre-
tion of gas onto stars, especially intermediate and massive
stars, dominates over that present in the initial pre-stellar
core (PSC). In Core Accretion, the PSC will likely gain
some mass via accretion from the clump, but it will also
lose mass due to feedback; the net result is that the mass
of the PSC will be ! m∗f . In Competitive Accretion, the
PSC mass is ≪ m∗f . Of course, reality may be somewhere
between these extremes, or might involve different aspects.
We note that an observational test of this theoretical distinc-
tion requires that it be possible to identify PSCs that may
themselves be turbulent. As discussed in §2.5, to date no
simulations have been performed with self-consistent ini-
tial conditions and with the full range of feedback. Such
simulations will be possible in the near future and should
determine whether massive PSCs can form in such an envi-
ronment, as required for Core Accretion models, or whether
low/intermediate mass stars can accrete enough mass by
tidally truncated Bondi accretion to grow into massive stars.

2.2.3. Protostellar Collisions

Bonnell et al. (1998) proposed massive stars may form
(i.e., gain significant mass) via protostellar collisions, in-
cluding those resulting from the hardening of binaries (Bon-

nell and Bate, 2005). This model was motivated by the
perceived difficulty of accreting dusty gas onto massive
protostars—merging protostars are optically thick and so
unaffected by radiation pressure feedback. Note, such pro-
tostellar collisions are distinct from those inferred to be
driven by binary stellar evolution (Sana et al., 2012). Uni-
versal formation of massive stars via collisions would im-
ply massive stars always form in clusters. Indeed, for col-
lisional growth to be rapid compared to stellar evolution
timescales requires cluster environments of extreme stellar
densities, ! 108 pc−3 (i.e., nH ! 3 × 109 cm−3) (e.g.,
Moeckel and Clarke, 2011; Baumgardt and Klessen, 2011),
never yet observed (Fig. 1). Moeckel and Clarke (2011)
find that when collisions are efficient, they lead to runaway
growth of one or two extreme objects, rather than smoothly
filling the upper IMF. Thus collisional growth appears to be
unimportant in typical massive star-forming environments.

2.3. Accretion Disks and Protostellar Evolution

In both Core and Competitive Accretion, the angular mo-
mentum of the gas is expected to be large enough that most
accretion to the protostar proceeds via a disk. Here angu-
lar momentum is transferred outwards via viscous torques
resulting from the magneto-rotational instability (MRI) or
gravitational instability, which produces spiral arms and, if
strong enough, fragmentation to form a binary or higher or-

Fig. 2.— Evolution of a massive protostar forming from a 60M⊙

core in Σcl ≃ 0.3, 1, 3 g cm−2 clumps. Top to bottom: ra-

dius, luminosity (including accretion), surface temperature and H-

ionizing luminosity (Zhang et al., 2014; see also Hosokawa et al.,

2010). Dotted lines show the zero age main sequence (ZAMS).

der multiple (Kratter et al., 2010). For the Turbulent Core
model, an upper limit for the size of the disk forming in
a core of rotational energy βrot = Erot/|Egrav| is evalu-
ated by assuming conservation of angular momentum of gas
streamlines inside the sonic point of the flow. Then the disk
radius, rd, is a fraction of the initial core size: for a 60 M⊙,
βrot = 0.02 core forming in a clump with Σcl = 1 g cm−2,
we have rd = 57.4, 102 AU when m∗ = 8, 16M⊙ (Zhang

et al., 2014; see Figs. 2 & 3). However, magnetic braking
of the accretion flow may make the disk much smaller (Li

et al., this volume). Disks around massive protostars also
arise in Competitive Accretion models (e.g., Bate, 2012),
but are likely to be smaller than in Core Accretion models.

Angular momentum may also be transferred via torques
associated with a large-scale magnetic field threading the
disk that couples to a disk wind (Blandford and Payne,

1982; Königl and Pudritz, 2000). The final accretion to the
protostar may be mediated by a strong stellar B-field, as
proposed for X-wind models around low-mass protostars
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Bea1ng	  RP:	  Disks	  

Mfin	  >~	  140	  M¤	  

Kuiper+	  2011	  
(also	  see	  Nakano
+	  1995,	  Jijina	  &	  
Adams	  1996)	  



Bea1ng	  RP:	  Disks	  +	  RT	  Instability	  

Krumholz+	  2009	   Mfin	  >	  43	  +	  29	  M¤	  



Bea1ng	  RP:	  Oujlows	  
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t = 0.30tff

Σ = 1.0 f(0°) / f(90°) = 3.2 f(90°) = 0.79

Σ = 2.0 f(0°) / f(90°) = 7 f(90°) = 0.28

Σ = 10.0 f(0°) / f(90°) = 31 f(90°) = 0.15

Σ = 2.0

t = 0.40tff

Σ = 1.0 f(0 °) / f(90 °) = 1.7 f(90 °) = 0.94

Σ = 2.0 f(0 °) / f(90 °) = 2.4 f(90 °) = 0.89

Σ = 10.0 f(0 °) / f(90 °) = 48 f(90 °) = 0.11

Σ = 2.0

t = 0.60tff

Σ = 1.0 f(0 °) / f(90 °) = 2.3 f(90 °) = 0.66

Σ = 2.0 f(0 °) / f(90 °) = 2.4 f(90 °) = 0.7

Σ = 10.0 f(0 °) / f(90 °) = 2.1 f(90 °) = 1

Σ = 2.0

Figure 9. Radial component of the radiation flux at 1500 AU in radius from the
primary star, normalized to the isotropic flux, as a function of polar angle. The
flux shown at a given θ is a volume average over a pair of rings at polar angles
θ = 0 and 180◦ − θ that cover all azimuthal angles φ. The coordinate system is
oriented so that θ = 0 corresponds to the rotation axis of the primary star and
the direction in which the wind is launched.
(A color version of this figure is available in the online journal.)

Table 3
Outflow Ejection

Σ (g cm−2) 1.0 2.0 10.0
tend (tff ) 0.6 0.8 0.8
vesc (km s−1) 4.27 5.08 7.60
v̄w|t=tend (km s−1) 87.7 72.2 71.0
ϵcore 0.70 0.73 . . .

ϵwind,simulation 1.06 0.342 0.0563
ϵwind 0.42 0.370 . . .

Notes. Simulation results (rows 1–4 and 6) and analytic model predictions
(rows 5 and 7). The columns indicate the cases of Σ = 1.0 g cm−2, Σ =
2.0 g cm−2, and Σ = 10.0 g cm−2 from left to right. As discussed in the text, the
Σ = 10.0 g cm−2 simulation was not evolved sufficiently far in time to compare
with the analytic model.

Due to constraints on computational time, we have not run
numerical simulations sufficiently long to determine the final
star formation efficiency. To facilitate comparison between the
numerical and analytic model, we focus our attention to the ratio
of the mass ejected by winds to the total stellar mass,

ϵwind =
Mej!
stars Mi

= 1 − ϵcore

ϵcore
, (33)

where Mej is the total mass ejected from the system. This
quantity can be computed as a function of time throughout
the simulation. For the purpose of comparing our numerical
simulations to the analytic prediction, we heuristically define
the ejected mass as any mass that has been either ejected from
the simulation domain or that is propagating with a sufficient
radial component of velocity away from the center of mass of the
system to overcome its gravitational binding to the system. The
left panel of Figure 10 shows a plot of the total wind mass ejected
in each simulation as a function of the total mass in stars, and
the right panel shows the simulation result for the wind ejection
efficiency ϵwind = Mej/

!
stars Mi as a function of time for

each simulation. We note that wind-launched gas in the highest
surface density simulation with Σ = 10.0 g cm−2 emerges from
the initial core relatively late in the simulation at t ∼ 0.6tff .
At the end of the simulation, much of the wind-launched gas
is still entrained in the limbs of the outflow cavity. This is a
transient effect that is not included in the analytic model and
we therefore will focus our attention in comparing the analytic
prediction to only the Σ = 1.0 g cm−2 and Σ = 2.0 g cm−2

models. By inspection of Figure 10, we adopt the values of
tw = 0.5tff and tw = 0.3tff as characteristic of the age of the
winds in the Σ = 1.0 g cm−2 and Σ = 2.0 g cm−2 simulations,
respectively.

The analytic predictions given by Equations (26) and (33) for
the outflow mass-weighted wind speed v̄w for each simulation
are given in Table 3. The wind ejection efficiency at the end of
each simulation (t = tend) are listed in the table as ϵwind,simulation
for comparison to the model predictions.

In drawing conclusions from comparing the analytic model
result for the wind ejection ratio ϵwind to the simulation result
ϵwind,simulation it is important to bear in mind that the analytic
model predicts the fraction of the initial core that is ejected
by a wind over the entire course of evolution of the initial
core, whereas the numerical model is only averaged over the
duration of the core evolution up to the end of the simulation.
Furthermore, the analytic model cannot account for the time
dependence associated with the propagation of protostellar wind
shocks through the highly inhomogeneous ambient core.
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Top:	  simula1on	  of	  HM	  star	  forma1on	  
with	  turbulence	  +	  oujlows	  
	  
LeE:	  radia1on	  flux	  vs.	  polar	  angle	  (also	  
see	  Krumholz+	  2005)	  

Mfin	  =	  65	  
M¤	  

Cunningham+	  2011	  


