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Figure 5. Color–color diagrams of the final photometric sample with the 5 Gyr isochrones of Baraffe et al. (1998, red dashed line) and Girardi et al. (2004, yellow
dashed line) overplotted. The contours represent 0.2% of our entire sample, with contours increasing every 10 stars per 0.05 color–color bin. Note that the model
predictions fail by nearly 1 mag in some locations of the stellar locus.
(A color version of this figure is available in the online journal.)
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Figure 6. Hess diagram for objects identified as stars in the SDSS pipeline, but
as galaxies with high-resolution ACS imaging in the COSMOS footprint (red
filled circles). The black points show 0.02% of the final stellar sample used in
the present analysis. Note that galaxy contamination is the most significant at
faint, blue colors. These colors and magnitudes are not probed by our analysis,
since these objects lie beyond our 4 × 4 × 4 kpc distance cut.
(A color version of this figure is available in the online journal.)

stars, clusters, etc.), and mathematical relations are fitted to their
color (or spectral type)—absolute magnitude locus. Thus, the
color of a star can be used to estimate its absolute magnitude,
and in turn, its distance, by the well-known distance modulus
(m − M):

mλ,1 − Mλ,1(mλ,1 − mλ,2) = 5logd − 5, (1)

where d is the distance, mλ,1 is the apparent magnitude in one
filter, and mλ,1 −mλ,2 is the color from two filters, which is used
to calculate the absolute magnitude, Mλ,1.

There have been multiple photometric parallax relations,10

as shown in Figure 7, constructed for low-mass stars observed
by SDSS (Hawley et al. 2002; Williams et al. 2002; West et al.

10 Photometric parallax relations are often referred to as color–magnitude
relations. We use both names interchangeably throughout this manuscript.
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Figure 7. Mr vs. r − i CMD. The parallax stars from the nearby star sample are
shown as filled circles, and the best-fit line from Table 4 is the solid red line.
Other existing parallax relations are plotted for comparison: West et al. (2005,
purple dash-dotted line), Jurić et al. (2008, their “bright” relation; green dash-
dotted line), Sesar et al. (2008, yellow dash-dotted line), and D. A. Golimowski
et al. (2010, in preparation, solid blue line). The original West et al. (2005)
relations have been transformed using the data from their Table 1. In addition,
the 5 Gyr isochrone from the Baraffe et al. (1998) models appears as the dashed
line.
(A color version of this figure is available in the online journal.)

2005; Jurić et al. 2008; Sesar et al. 2008; D. A. Golimowski et al.
2010, in preparation). There is a spread among the relations,
seen in Figure 8, which are valid over different color ranges.
Additional photometry in ugrizJHKs of a large sample of nearby
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Figure 20. System and single-star Mr LFs for our four different binary
prescriptions. The spread between prescriptions in each bin is used to calculate
the final uncertainty in the system and single-star LFs.
(A color version of this figure is available in the online journal.)

colors and brightnesses are calculated for each system. Scatter
is introduced in color and absolute magnitude, as described
in Section 5.4. The stellar catalog is analyzed with the same
pipeline as the data, and the output model LF is compared to
the observed LF. The input PSLF is then tweaked according to
the differences between the observed system LF and the model
system LF. This loop is repeated until the artificial system LF
matches the observed system LF. Note that the GS parameters
are also adjusted during this process, and the bias-corrected
values are given in Table 6. The thin disk scale height, which
has a strong effect on the derived LF, is in very good agreement
with previous values. As the measured thin disk scale height
increases, the density gradients decrease, and a smaller local
density is needed to explain distant structures. This change
is most pronounced at the bright end, where the majority of
the stars are many thin disk scale heights away from the Sun
(see Figure 19). The preferred model thin disk and thick disk
scale lengths were found to be similar. This is most likely due
to the limited radial extent of the survey compared to their
typical scale lengths. Upcoming IR surveys of disk stars, such
as APOGEE (Allende Prieto et al. 2008), should provide more
accurate estimates of these parameters.

SDSS observations form a sensitive probe of the thin disk
and thick disk scale heights, since the survey focused mainly on
the northern Galactic cap. Our estimates suggest a larger thick
disk scale height and smaller thick disk fraction than recent
studies (e.g., Siegel et al. 2002; Jurić et al. 2008). However,
these two parameters are highly degenerate (see Figure 1 of
Siegel et al. 2002). In particular, the differences between our
investigation and the Jurić et al. (2008) study highlight the sen-
sitivity of these parameters to the assumed CMR and density
profiles, as they included a halo in their study and we did not.
The Jurić et al. (2008) study sampled larger distances than our
work, which may affect the resulting Galactic parameters. How-
ever, the smaller normalization found in our study is in agree-
ment with recent results from a kinematic analysis of nearby
M dwarfs with SDSS spectroscopy (J. S. Pineda et al. 2010, in
preparation). They find a relative normalization of ∼5%, simi-
lar to the present investigation. The discrepancy in scale height
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Figure 21. Single-star (red filled circles) and system (black filled circles) LFs.
Note that the major differences between our system and single-star LFs occur at
low luminosities, since low-mass stars can be companions to stars of any higher
mass, including masses above those sampled here.
(A color version of this figure is available in the online journal.)

highlights the need for additional investigations into the thick
disk and suggests that future investigations should be presented
in terms of stellar mass contained in the thick disk, not scale
height and normalization.

The iterative process described above accounts for binary
stars in the sample and allows us to compare the system LF
and single-star LF in Figure 20. Most observed LFs are system
LFs, except for the local volume-limited surveys. However, most
theoretical investigations into the IMF predict the form of the
single-star MF. Note that for all binary prescriptions, the largest
differences between the two LFs are seen at the faintest Mr, since
the lowest-luminosity stars are most easily hidden in binary
systems.

6. RESULTS: LUMINOSITY FUNCTION

The final adopted system and single-star Mr LFs are presented
in Figure 21. The LFs were corrected for unresolved binarity
and Malmquist bias. The uncertainty in each bin is computed
from the spread due to CMR differences, binary prescriptions,
and Malmquist corrections. The mean LFs and uncertainties are
listed in Tables 7 and 8. The differences between the single
and system LFs are discussed below and compared to previous
studies in both Mr and MJ .

6.1. Single-star versus System Luminosity Functions

Figure 21 demonstrates a clear difference between the single-
star LF and the system LF. The single-star LF rises above
the system LF near the peak at Mr ∼ 11 (or a spectral
type ∼M4) and maintains a density about twice that of the
system LF.13 This implies that lower-luminosity stars are easily
hidden in binary systems, but isolated low-luminosity systems

13 We note that the differences between our system and single-star LFs
disagree considerably with those reported by Covey et al. (2008). These
differences were investigated, and the Covey et al. (2008) binary corrections
were found to be erroneous, with companion stars sampled from the MF
convolved with the full sample volume, which is inappropriate for companion
stars. The authors regret the error.
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Table 5
Measured Galactic Structure

Property Raw Value Uncertainty

Zo,thin 255 pc 12 pc
Ro,thin 2200 pc 65 pc
Zo,thick 1360 pc 300 pc
Ro,thick 4100 pc 740 pc
f 0.97 0.006

Table 6
Bias-corrected Galactic Structure

Property Corrected Value Uncertainty

Zo,thin 300 pc 15 pc
Ro,thin 3100 pc 100 pc
Zo,thick 2100 pc 700 pc
Ro,thick 3700 pc 800 pc
f 0.96 0.02

those from the observations and analysis, e.g., Malmquist bias.
The systematic differences manifested in different CMRs, which
vary according to stellar metallicity, interstellar extinction, and
color, are isolated and discussed in Sections 5.1 and 5.2, and
the results are used in Section 5.3 to estimate the systematic
uncertainties in the LF and GS.

Malmquist bias (Section 5.4) and unresolved binarity
(Section 5.5) were quantified using Monte Carlo (MC) models.
Each model was populated with synthetic stars that were con-
sistent with the observed GS and LF. The mock stellar catalog
was analyzed with the same pipeline as the actual observations
and the differences between the input and “observed” GS and
LF were used to correct the observed values.

5.1. Systematic CMRs: Metallicity

A star with low metallicity will have a higher luminosity
and temperature compared to its solar-metallicity counterpart
of the same mass, as first described by Sandage & Eggen
(1959). However, at a fixed color, stars with lower metallicities
have fainter absolute magnitudes. Failing to account for this
effect artificially brightens low-metallicity stars, increasing their
estimated distance. This inflates densities at large distances,
increasing the observed scale heights (e.g., King et al. 1990).

Quantifying the effects of metallicity on low-mass dwarfs
is complicated by multiple factors. First, direct metallicity
measurements of these cool stars are difficult (e.g., Woolf &
Wallerstein 2006; Johnson & Apps 2009), as current models do
not accurately reproduce their complex spectral features. Cur-
rently, measurements of metallicity-sensitive molecular band
heads (CaH and TiO) are used to estimate the metallicity of M
dwarfs at the ∼1 dex level (see Gizis 1997; Lépine et al. 2003;
Burgasser & Kirkpatrick 2006; West et al. 2008), but detailed
measurements are only available for a few stars. The effects of
metallicity on the absolute magnitudes of low-mass stars are
poorly constrained. Accurate parallaxes for nearby subdwarfs
do exist (Monet et al. 1992; Reid 1997; Burgasser et al. 2008),
but measurements of their precise metal abundances are diffi-
cult given the extreme complexity of calculating the opacity of
the molecular absorption bands that dominate the spectra of M
dwarfs. Observations of clusters with known metallicities could
mitigate this problem (Clem et al. 2008; An et al. 2008), but
there are no comprehensive observations in the ugriz system
that probe the lower main sequence.
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Figure 15. Raw r-band LF for the stellar sample, using the (Mr, r − z) CMR.
Note the smooth behavior, with a peak near Mr ∼ 11, corresponding to a spectral
type of ∼M4. The error bars (many of which are smaller than the points) are
the formal uncertainties from fitting the local densities in each 0.5 mag absolute
magnitude slice in stellar density.

To test the systematic effects of metallicity on this study, the
([Fe/H],∆Mr ) relation from Ivezić et al. (2008) was adopted.
We note that this relation is appropriate for more luminous F
and G stars, near the main-sequence turnoff, but should give us
a rough estimate for the magnitude offset. The adopted Galactic
metallicity gradient is

[Fe/H] = −0.0958 − 2.77 × 10−4|Z|. (9)

At small Galactic heights (Z ! 100 pc), this linear gradient
produces a metallicity of about [Fe/H] = −0.1, appropriate for
nearby, local stars (Allende Prieto et al. 2004). At a height of
∼2 kpc (the maximum height probed by this study), the metal-
licity is [Fe/H] ∼−0.65, consistent with measured distributions
(Ivezić et al. 2008). The actual metallicity distribution is prob-
ably more complex, but given the uncertainties associated with
the effects of metallicity on M dwarfs, adopting a more complex
description is not justified. The correction to the absolute mag-
nitude, ∆Mr , measured from F and G stars in clusters of known
metallicity and distance (Ivezić et al. 2008) is given by

∆Mr = −0.10920 − 1.11[Fe/H] − 0.18[Fe/H]2. (10)

Substituting Equation (9) into Equation (10) yields a quadratic
equation for ∆Mr in Galactic height. After initially assigning
absolute magnitudes and distances with the CMRs appropriate
for nearby stars, each star’s estimated height above the plane,
Zini, was computed. This is related to the star’s actual height,
Ztrue, through the following equation:

Ztrue = Zini10
−∆Mr (Ztrue)

5 . (11)

A star’s true height above the plane was calculated by finding
the root of this nonlinear equation. Since ∆Mr is a positive value,
the actual distance from the Galactic plane, Ztrue, is smaller
than the initial estimate, Zini. As explained above, this effect
becomes important at larger distances, moving stars inward and
decreasing the density gradient. Thus, if metallicity effects are
neglected, the scale heights and lengths are overestimated.
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Fig. 1.V, J, H and K band M/L relations. The circles are data from Henry &McCarthy (1993), Torres et al. (1999), Henry et al. (1999), Benedict
et al. (2000) and Metcalfe et al. (1996). The triangles represent our recent mesurements (Ségransan et al. 2000, in prep.; and Forveille et al.
1999). The masses and luminosities used in this figure are also listed in Table 3. The two curves represent the piecewise linear relation of Henry
& McCarthy (1993; dotted line) and our polynomial fit (solid line).

thus in principle be needed to derive V band magnitude differ-
ences. A comparison with the direct measurements of Henry et
al. (1999) for the sources in common shows maximum relative
errors of∼10% from neglecting this transformation: a 0.5 mag-
nitude contrast is in error by at most 0.05 magnitude, and a
2 magnitudes one by at most 0.2 magnitude. We have therefore
adopted the larger of 0.05 magnitude and 10% of the magnitude
difference as a conservative estimate of the standard error for
these spectroscopic magnitude differences.

3. Visible and infrared mass/Luminosity relations

The masses are listed in Table 3, with the individual absolute
magnitudes derived from Table 1 and Table 2 for the four photo-
metric bands (V, J, H and K) which have significant numbers of
measurements. Fig. 1 shows the M/L relations for these 4 pho-
tometric bands. As can be seen immediately in Fig. 1,∼20 stars
define the V and K relations, while the J and H ones still have
smaller numbers of stars. A number of systems still lack mag-
nitude difference measurements in those two bands.

Fig. 2 presents the relation between stellar mass and the V-K
colour index. This relation probably has too large an intrinsic

Fig. 2. mass-colour (V-K) relation for M dwarfs. The three curves are
5 Gyr theoretical isochrones from Baraffe et al. (1998) for two metal-
licities and our polynomial fit. The Siess et al. (2000) model are rep-
resented for 5 Gyr and solar metallicity with asterisks.

dispersions to be generally useful, and is provided here mostly
for illustration, and as a warning to potential users of similar
relations.

Delfosse+	  2000	  
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Figure 22. Left panel: MJ system LF. We compare our system LF (red filled circles) to the system LF measured by Covey et al. (2008, blue triangles). Our system LF
and the Covey et al. (2008) results agree reasonably well. Right panel: MJ single-star LF. We compare our LF for single stars (green filled circles and dashed line)
compared to the single-star LF measured by Reid et al. (2002, open squares). The single-star LFs also agree within the uncertainties, except for a few bins, resolving
previous discrepancies between photometric and volume-complete samples.
(A color version of this figure is available in the online journal.)

total of 146 stars in 103 systems are found within this limit.
The distances for the stars in this volume-complete sample
are primarily found from trigonometric parallaxes, with <5%
of the stellar distances estimated by spectral type. There is
reasonable agreement between our MJ LF and the LF from the
volume-complete sample, within the estimated uncertainties,
indicating that the photometric and volume-complete methods
now give similar results. Furthermore, it indicates that our
assumed CMRs are valid for local, low-mass stars. Finally, the
agreement between the single-star LFs validates our assumed
corrections for unresolved binarity.

7. RESULTS: MASS FUNCTION

The MF was calculated from the MJ LFs and the
mass–luminosity (MJ) relation from Delfosse et al. (2000). We
computed both a single-star MF and a system MF. As discussed
in Covey et al. (2008), some past discrepancies between MFs are
probably due to comparing analytic fits and the actual MF data.
This effect is discussed below, where we compare our results to
available MF data from nearby (e.g., Reid & Gizis 1997) and
distant (e.g., Zheng et al. 2001) samples. We also compare our
analytic fits to seminal IMF studies.

The single-star and system MFs are shown in Figure 23. As
seen in the LFs, there is agreement between the two relations at
higher masses. At masses less than 0.5 M⊙, the shapes of the
MFs are roughly equivalent, but the single-star density is roughly
twice that of the systems. We note a small possible correction to
the lowest-mass bin (log M/M⊙ = −0.95). At these masses,
young brown dwarfs, with ages less than 1 Gyr and masses
near M ∼ 0.075 M⊙ will have luminosities similar to late-type
M dwarfs. Since these objects are not stellar, they should be
removed from our MF. Assuming a constant star formation rate,
Chabrier (2003a) estimated that brown dwarfs contribute ∼10%
of the observed densities at the faintest absolute magnitudes
(or lowest masses). Recent studies of nearby, young M dwarfs
(e.g., Shkolnik et al. 2009) show that ∼10% have ages less than
300 Myr, further supporting the presence of young brown dwarfs
in our sample. Thus, a correction of 10% to the lowest-mass bin
would account for young brown dwarfs (see Figure 23). We do
not apply the correction, but include its impact on the uncertainty
of the last MF bin.
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Figure 23. Single-star MF (red filled circles) and system MF (open squares)
for this study. Note that the largest differences between the two MFs occur
at smaller masses, since low-mass stars are easily obscured in binary systems
with a higher-mass primary. The possible correction for young brown dwarfs
discussed in Section 7 is shown as an open circle in the single-star MF.
(A color version of this figure is available in the online journal.)

In Figures 24 and 25, we display the lognormal and broken
power-law fits to the system and single-star MFs. While the
broken power law is preferred by many observers (Covey et al.
2008; Kroupa 2002), the lognormal formalism has been popu-
larized by some theorists (e.g., Padoan et al. 1997; Hennebelle
& Chabrier 2008). Our MF data are best fitted by a lognormal
distribution, as confirmed by an f test. We suggest using the
lognormal form when comparing to previous MF fits, but stress
that comparisons using the actual MF data (Tables 11 and 12)
are preferred.

The system MF is compared to the pencil-beam survey
of Zheng et al. (2001) MF in Figure 24. Their data were
acquired with the HST, and the stars in their sample are at
distances similar to this study. The Zheng et al. (2001) study
sparked some discussion in the literature (e.g., Chabrier 2003a,
2003b), as their results differed dramatically from the nearby star
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Figure 24. System MF (filled circles), along with broken power-law (dashed
line) and lognormal (dot-dashed line) fits. The power-law break occurs near
0.3 M⊙. The parameters of both fits are found in Table 13. The MF data (open
squares) and power-law fit from Zheng et al. (2001, light dashed line) are also
shown. The agreement between our data and the Zheng et al. (2001) data is
good at lower masses, but the data diverge at higher masses.
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Figure 25. Single-star MF (filled circles). We fit this distribution with a broken
power law (dashed line) and a lognormal distribution (dot-dashed line). The
parameters of these fits are found in Table 14. The MF data (open squares) and
single power-law fit from Reid & Gizis (1997, light dashed line) are also shown.
The data are in reasonable agreement, with discrepancies larger than the error
bars in only two bins.

sample (e.g., Reid & Gizis 1997). The proposed solution was
unresolved binarity. Binary systems would be resolved easily
at small distances, but not at the larger distances probed by the
HST sample. We compare our system MF to the Zheng et al.
(2001) sample and find agreement over a large range of masses
(M < 0.4M⊙). At larger masses (M ∼ 0.4 M⊙), the MFs
diverge. This can most likely be attributed to differing CMRs,
in particular differences in the corrections for stellar metallicity
gradients.

Our single-star MF is compared to the nearby star sample
(Reid & Gizis 1997) in Figure 25. The MFs agree remarkably
well, with discrepancies in only two bins (likely the result of
small numbers in the nearby star sample). This indicates that our
CMRs and methodology are valid, since the output densities
are in agreement. It suggests that our binary corrections are

Table 11
System Mass Function

log (M/M⊙) ξMean ξMax ξMin

−0.15 2.53 3.26 1.79
−0.25 2.96 3.69 2.24
−0.35 4.59 5.32 3.85
−0.45 7.22 8.28 6.15
−0.55 8.27 9.70 6.84
−0.65 7.21 8.53 5.89
−0.75 5.38 6.29 4.47
−0.85 4.79 5.45 4.14
−0.95 5.11 6.42 3.41

Note. Densities are reported in units of (stars pc−3 0.1 log M−1) ×10−3.

Table 12
Single-star Mass Function

log (M/M⊙) ξMean ξMax ξMin

−0.15 2.56 3.31 1.80
−0.25 2.97 3.71 2.23
−0.35 4.55 5.31 3.79
−0.45 7.76 8.93 6.59
−0.55 10.04 11.58 8.50
−0.65 9.93 11.36 8.50
−0.75 8.12 9.27 6.97
−0.85 7.93 9.08 6.78
−0.95 10.92 13.95 7.11

Note. Densities are reported in units of (stars pc−3 0.1 log M−1) ×10−3.

reasonable, as both our system and single-star MFs agree with
previous results. Moreover, the discrepancy between the Reid
& Gizis (1997) and Zheng et al. (2001) MFs can be attributed to
unresolved binarity. The Reid & Gizis (1997) MF results present
a single-star MF, while the Zheng et al. (2001) MF is a system
MF.

We compare our single-star LF to seminal IMF analytic fits
in Figure 26 (see Table 1). While we advocate the comparison
of MF data whenever possible (as discussed in Covey et al.
2008), it is informative to compare our results to these studies.
The Kroupa (2002) and Chabrier (2003a) studies demonstrate
the best agreement with our data at masses M < 0.4M⊙,
but diverge at higher masses, predicting larger space densities
than we infer here. The disagreement of the Miller & Scalo
(1979) MF with the other three MFs suggests an issue with their
normalization.

7.1. The IMF in other Mass Regimes

A single analytic description of the IMF over a wide range in
mass may not be appropriate. Figure 27 shows the derived MFs
from this study, and those from the Reid & Gizis (1997) sample
and the Pleiades (Moraux et al. 2004). The lognormal fit from
this study is extended to higher masses, and it clearly fails to
match the Pleiades MF. Therefore, it is very important to only
use the analytic fits over the mass ranges where they are appro-
priate. Extending analytic fits beyond their quoted bounds can
result in significant inaccuracies in the predicted number of stars.

7.2. Theoretical Implications of the IMF

Any successful model of star formation must accurately
predict the IMF. The measured field MF traces the IMF of low-
mass stars averaged over the star formation history of the Milky
Way. Thus, the field MF is not a useful tool for investigating
changes in the IMF due to physical conditions in the star-forming

Single	  star	  +	  system	  IMFs	  

Lognormal	  and	  powerlaw	  
fits	  to	  single	  star	  IMF	  
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Figure 18. Measured IMF for the ONC, fitted with a log-normal distribution (left panel) or a two-phase power law (right panel). The top and bottom panels represent
the mass distributions obtained assuming Baraffe et al. (1998) and D’Antona & Mazzitelli (1998) models, respectively, whereas the center panels show the result
assuming Baraffe models and including also stars located above the 1 Myr isochrone, whose mass has been extrapolated from their Teff (see the text). The shaded areas
enclose the 90% confidence interval for each fit. The red curves represent the IMF of Chabrier (2003) (left panel) and Kroupa (2001) (right panel); the red dashed line
is the Chabrier (2003) system IMF.
(A color version of this figure is available in the online journal.)

Baraffe models, for a large fraction (about 25%) of sources
we cannot assign masses and ages, as these stars are located
above the 1 Myr isochrone, the minimum age computed for this
family of models. This not only decreases our stellar sample,
but also biases our findings, in particular the mass distribution.
To overcome this selection effect, we consider two cases for
the mass estimates from the Baraffe models: (1) we reject all
source above the 1 Myr isochrone and (2) we include them by
assigning a mass based on the Teff–mass relation of the 1 Myr
isochrone. Since for VLMSs the PMS evolutionary tracks are
nearly vertical in the H-R diagram, this approximation is fairly
good. In Table 3 we present the derived stellar parameters for
the ONC sources, using both sets of models.

From these masses, we derive the mass distribution ξ (log m)
by binning the ONC members in equally spaced mass bins. For
each mass bin, we account for its exact completeness by adding
the inverse of the completeness of each source. We associate
an uncertainty distribution to each measured value of ξ (log m)
equal to a Poisson distribution of mean µ = Ni , where Ni is
the number of sources in the ith bin, scaled by a factor equal
to the overall completeness correction for that bin. We stress
that, strictly speaking, our mass function is actually a “system”
mass function rather than a proper “initial” mass function, in
the sense that we do not account for unresolved binaries or
multiple systems. This, however, does not influence significantly
our results, since the binary fraction (accounting both bound
systems and visual binaries) in Orion is small (!15%; Padgett
et al. 1997; Petr et al. 1998; Reipurth et al. 2007), and about
half of these are separated more than 1′′, therefore resolved in
our observations.

It is well established (e.g., Bastian et al. 2010) that the
IMF generally follows a power law in the intermediate- and
high-mass range (M " M⊙), whereas for low-mass stars and

BDs—which is the region of the mass spectrum most relevant for
our study—this function can be approximated with a shallower
power law ξ (log m) ∝ m−(Γ+1) (e.g., Kroupa 2001) or with
a log-normal distribution ξ (log m) ∝ e−(log m−log mc)2/2σ 2

(e.g.,
Chabrier 2003). We use both forms to fit our measured IMF in
the ONC.

We use a Monte Carlo simulation following Da Rio et al.
(2009a) to account for the uncertainties in the measured star
counts, as follows. For every mass bin, we consider the error bars
with their statistical distribution, and generate a large number
(n = 10,000) of points drawn from the error distribution. Then
an unweighted fit is run on all these (n times the number
of bins) points. The best-fit parameters are isolated using a
Levenberg–Marquardt minimization algorithm. The uncertainty
associated with the parameters has been computed with a
sampling technique as follows: for every one of the m bins,
we randomly consider only one of the n values previously
simulated, i.e., a random sample from the distribution describing
the error bar of the bin, and we fit the IMF function on these
m data points, deriving the best-fit parameters. By iterating this
selection and fit process 1000 times, we derive 1000 sets of
parameters. The standard deviation of each parameter for the
1000 tests is the uncertainty in the estimate of the parameter
itself.

The resulting fitted functions for both sets of evolutionary
models are shown in Figure 18. In Table 4 the fitting parameters
are reported: the characteristic mass and the width for the
log-normal fit, and the two power-law slopes as well as the
break point for the two-phase power law. We find that the two
families of evolutionary models lead to significant differences
in the derived IMF. Whereas the Baraffe tracks produce a
smooth distribution, which appears well fitted by a log-normal
distribution characterized by a continuous change in the IMF
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900 E. Moraux et al.: Brown dwarfs in the Pleiades cluster

Fig. 8. The Pleiades mass function between 0.03 M⊙ and 0.45 M⊙.
The dots corresponds to the number of objects per unit mass found in
our survey. The last three points corresponds to the substellar domain
and have been corrected for a 30% contamination level by field stars
(see text). The data points are fitted by a power law with an index
α = 0.60 ± 0.11 (dN/dM ∝ M−α).

so that the total number of objects over the 0.08–0.48 M⊙ mass
range corresponds to the number computed from the King pro-
file (see Sect. 3.3). This normalization ensures the continuity
of the Pleiades mass function shown in Fig. 9 from the brown
dwarfs up to the most massive stars of the cluster.

The cluster mass function is fitted by a lognormal form over
more than 2 decades in mass:

ξ(log M) ∝ exp

⎡
⎢⎢⎢⎢⎢⎣−

(log M − log⟨M⟩)2

2σ2
log M

⎤
⎥⎥⎥⎥⎥⎦ (3)

with ⟨M⟩ ≃ 0.25 M⊙ and σlog M = 0.52. This mass function
can be approximated by a single power-law above 1.5 M⊙,
ξ(log M) ∝ M−1.7 in logarithmic mass units (or dN/dM ∝
M−2.7 in linear mass units), and peaks at M ≃ 0.25 M⊙ be-
fore decreasing at lower mass. Luhman et al. (2000) found
that ρ Ophiuchus, IC 348 and the Trapezium mass func-
tions ξ(log M) also exhibit a maximum around 0.25 M⊙ and
are quite similar to the Pleiades one in the stellar domain.

Within uncertainties, we thus find no evidence for signif-
icant differences in the mass function of the Pleiades, other
Pleiades-age open clusters and star forming regions across the
stellar-substellar boundary but also over the entire stellar do-
main. This suggests that the cluster population observed at an
age of about 120 Myr is still quite similar to its population
at only a few Myr. As a cluster evolves, weak gravitational
encounters occur leading eventually to the evaporation of the
lowest mass members. The results above seem to indicate that
such a dynamical evolution has not yet affected the mass func-
tion of the cluster. This is in agreement with dynamical mod-
els (e.g. de la Fuente Marcos & de la Fuente Marcos 2000;

Fig. 9. The Pleiades mass function represented as the number of ob-
jects per logarithmic mass units over the mass range 0.03 M⊙ ≤
M ≤ 10 M⊙. In this representation Salpeter’s slope is 1.35. The his-
togram corresponds to the Pleiades star catalog built from the Prosser
and Stauffer Open Cluster Database3 and the large dots are our data
points. The Pleiades mass function is fitted by a log-normal function
(solid line) over the entire mass range. The dashed line corresponds to
the Galactic disk mass function from Chabrier (2001) and the dotted
line to the estimated Pleiades mass function corrected for unresolved
binaries.

Adams et al. 2002) which predict that only about 10% of the
total number of cluster members is lost after ∼100 Myr, and
that the fraction of brown dwarfs to stars remains nearly con-
stant, so that the shape of the mass function across the stellar-
substellar boundary is hardly affected.

The mass function of the Pleiades at an age of ∼120 Myr
thus seems to be representative of the cluster population at an
early age of a few Myr. But does it also reflects the initial popu-
lation of the cluster at the time it formed (IMF)? Rapid dynami-
cal processes associated to cluster formation might conceivably
lead to the prompt ejection of low mass stars and brown dwarfs
during the very early stage of a cluster life, before a few Myr. If
instrumental, such processes might result in a depletion of the
low mass cluster population very early on and thus modify the
shape of the mass function.

An example of conditions under which such processes may
occur is when the gas is expelled from the cluster during its for-
mation. The gravitational potential decreases drastically and all
the low mass objects in the outer part of the cluster are ejected.
However, current models (Kroupa 2001) predict that roughly as
many massive stars as low mass stars are ejected in this process,
unless mass segregation is present initially. Hence, the shape of
the mass function should not be significantly affected.

Another violent dynamical process may be associated to
the formation of brown dwarfs themselves. Reipurth & Clarke
(2001) proposed that substellar objects are “stellar embryos”

Moraux+	  2003	  
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Figure 3
The derived present-day mass function of a sample of young star-forming regions (Section 2.3), open clusters spanning a large age
range (Section 2.2), and old globular clusters (Section 4.2.1) from the compilation of G. de Marchi, F. Parsesce, and S. Portegies Zwart
(submitted). Additionally, we show the inferred field star initial mass function (IMF) (Section 2.1). The gray dashed lines represent
“tapered power-law” fits to the data (Equation 6). The black arrows show the characteristic mass of each fit (mp), the dotted line indicates
the mean characteristic mass of the clusters in each panel, and the shaded region shows the standard deviation of the characteristic
masses in that panel (the field star IMF is not included in the calculation of the mean/standard deviation). The observations are
consistent with a single underlying IMF, although the scatter at and below the stellar/substellar boundary clearly calls for further study.
The shift of the globular clusters characteristic mass to higher masses is expected from considerations of dynamical evolution.

2008; Kruijssen 2009). Hence, there is an expected, and observed, correlation of mp with the cluster
relaxation time (G. de Marchi, F. Paresce, and S. Portegies Zwart, submitted).

2.3. Young Clusters and Associations
2.3.1. Primordial and dynamical mass segregation. An additional complication in IMF studies
comes from the spatial distribution of stars within a cluster or association. The most massive stars
in large, young clusters are often located in a cluster’s innermost regions. This phenomenon is
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Figure 4. Histograms of LHα/Mcl from SLUG models for a fully sampled IMF (red) and a model truncated at 30 M⊙ (blue) for LHα/Mcl plotted against clusters from
M83 whose masses were determined from SLUG models with a maximum stellar mass of 120 M⊙ (top) and SB99 models with a maximum stellar mass of 30 M⊙
(bottom). In all cases, clusters with only measured Hα upper limits are given the 3σ limit of 6.6 × 1035 erg s−1 as the luminosity value. The left panels only include
the single best-fit mass. The right panels take each solution with a χ2 < 1 and gives it equal weighting, which in practice creates 53629 and 545 distinct entries for
SLUG (top) and SB99 (bottom), respectively.
(A color version of this figure is available in the online journal.)

low Mcl clusters exists even when we only allow our cluster
masses to be measured using models with a maximum stellar
mass of 30 M⊙ (bottom). This tail in M83 is not very different
from that reported for NGC 4214 in Andrews et al. (2013). This
result is striking in that it disagrees with a simple M(max)∗–Mcl
relation reported for young star clusters in the Milky Way
(Weidner et al. 2010, 2013). We should note that the star for-
mation rates in NGC 4214 and M83 bracket that of the Milky
Way, thus the disagreement is real. Ways to reconcile the differ-
ent results may require investigating the consequences of using
different methods to measure the cluster masses, and a careful
analysis of what uncertainties each method carries; for a dis-
cussion of the problems with measuring cluster masses in the
Milky Way see Krumholz (2014).

In a M(max)∗–Mcl relation, the summation of the total
ionizing flux from the small clusters divided by the total cluster
mass should be much lower than the ionizing flux from a single
large cluster divided by its mass and as cluster mass decreases
there is a deviation from the ratio of ionizing photons to mass
expected by a universal IMF (Figure 6, dashed-dotted line).

Whereas in an universal IMF scenario this summed ratio would
be consistent with that of a single large cluster. Of course a
universal IMF predicts as a whole clusters !500 M⊙ will mostly
produce low Hα luminosities. In fact, Villaverde et al. (2010)
estimates that only 20% of 100 M⊙ clusters will have stars large
enough to create an H ii region. There will be some low-mass
clusters that do produce a large ionizing continuum from the
odd star well over 20 M⊙ (case in point, Figure 5), so the effects
can be averaged out if the sample size is large enough. We have
therefore minimized both the observational uncertainties and
the stochastic effects by summing the LHα and masses of all of
the small clusters into one data point.

The data have been combined into three mass bins (see the
three shaded regions in Figure 6), each with a mean mass of
9.8 × 102 M⊙, 1.8 × 103 M⊙, and 2.8 × 104 M⊙. The error bars
have been calculated by adding in quadrature the individual mass
and luminosity uncertainties of each cluster fit. The expected
average LHα/Mcl from a solar metallicity SB99 model that is
fully populated up to 120 M⊙ has also been plotted in Figure 6.
The top dashed line is for the average model between 1–3 Myr,
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Figure 1 | Detection of the Na I doublet and the Wing–Ford band. a, Spectra
in the vicinity of the l 5 8,183, l 5 8,195 Na I doublet for three stars from the
IRTF library12: a K0 giant, which dominates the light of old stellar populations;
an M6 dwarf, the (small) contribution of which to the integrated light is
sensitive to the form of the IMF at low masses; and an M3 giant, which has
potentially contaminating TiO spectral features in this wavelength range.
b, Averaged Keck/LRIS spectra of NGC 4261, NGC 4374, NGC 4472 and
NGC 4649 in the Virgo cluster (black line) and NGC 4840, NGC 4926, IC 3976
and NGC 4889 in the Coma cluster (grey line). Four exposures of 180 s were
obtained for each galaxy. The one-dimensional spectra were extracted from the
reduced two-dimensional data by summing the central 40, which corresponds
to about 0.4 kpc at the distance of Virgo and about 1.8 kpc at the distance of
Coma. We found little or no dependence of the results on the choice of aperture.

Coloured lines show stellar population synthesis models for a dwarf-deficient
‘bottom-light’ IMF14, a dwarf-rich ‘bottom-heavy’ IMF with x 5 23, and an
even more dwarf-rich IMF. The models are for an age of 10 Gyr and were
smoothed to the average velocity dispersion of the galaxies. The x 5 23 IMF
fits the spectrum remarkably well. c, Spectra and models around the dwarf-
sensitive Na I doublet. A Kroupa IMF, which is appropriate for the Milky Way,
does not produce a sufficient number of low-mass stars to explain the strength
of the absorption. An IMF steeper than Salpeter appears to be needed.
d–f, Spectra and models near the l 5 9,916 Wing–Ford band. The observed
Wing–Ford band also favours an IMF that is more abundant in low-mass stars
than the Salpeter IMF. All spectra and models were normalized by fitting low-
order polynomials (excluding the feature of interest). The polynomials were
quadratic in a, b, d and e and linear in c and f.
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Figure 2 | Constraining the IMF. a, Various stellar IMFs, ranging from a
‘bottom-light’ IMF with strongly suppressed dwarf formation14 (light blue) to
an extremely ‘bottom-heavy’ IMF with a slope x 5 23.5. The IMFs are
normalized at 1M[, because stars of approximately one solar mass dominate
the light of elliptical galaxies. b, Comparison of predicted line Na I and Wing–
Ford indices with the observed values. The indices were defined to be analogous

to those in refs 4 and 8. The Na I index has central wavelength 0.8195mm and
side bands at 0.816mm and 0.825mm. The Wing–Ford index has central
wavelength 0.992mm and side bands at 0.985mm and 0.998mm. The central
bands and side bands are all 20 Å wide. Both observed line indices are much
stronger than expected for a Kroupa IMF. The best fits are obtained for IMFs
that are slightly steeper than Salpeter.
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Figure 1 | Disentangling the stellar and dark mass with integral-field stellar kinematics. The top panels show the symmetrized SAURON stellar kinematics
Vrms =

√
V 2 + σ2 for five galaxies representing a variety of shapes of the kinematics fields, and spanning a range in (M/L)stars values. Here V is the mean

stellar velocity and σ is the stellar velocity dispersion. The middle panel is the best-fitting dynamical model10 with a standard11 dark halo (model b in Table 1). The
bottom panel is a dynamical model where the (M/L)stars was fixed to be 0.65 times the best-fitting one. Where this decrease in (M/L)stars represents the change
in mass between a Salpeter and Kroupa IMF. The other three model parameters, the galaxy inclination i, the orbital anisotropy βz and the halo total massM200, were
optimized to fit the data, but cannot provide an acceptable description of the observations. This plots shows that, for a standard halo profile, the data tightly constrain
both the dark matter fraction and (M/L)stars. The effect would be even more dramatic if we had assumed a more shallow inner halo profile. The contours show the
observed and modelled surface brightness respectively. The values of (M/L)stars and the fraction of dark matter within a sphere with radius equal to the projected
half-light radiusRe are printed next to each panel. The galaxy names are given at the top.
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Figure 2 | The systematic variation of the IMF in early-type galaxies. The six panels show the ratio between the (M/L)stars of the stellar component, determined
using dynamical models, and the (M/L)Salp of the stellar population, measured via stellar population models with a Salpeter IMF, as a function of (M/L)stars.
The black solid line is a loess smoothed version of the data. Colours indicate the galaxies’ stellar velocity dispersion σe, which is related to the galaxy mass. The
horizontal lines indicate the expected values for the ratio if the galaxy had (i) a Chabrier IMF (red dash-dotted line); (ii) a Kroupa IMF (green dashed line); (iii) a
Salpeter IMF (x = −2.3, solid magenta line) and two additional power-law IMFs with (iv) x = −2.8 and (v) x = −1.5 respectively (blue dotted line). Different
panels correspond to different assumptions for the dark matter halos employed in the dynamical models as written in the black titles. Details about the six sets of models
are given in Table 1. A clear curved relation is visible in all panels. Panels a, b and e look quite similar, as for all of them the dark matter contributes only a small
fraction (zero in a and a median of 12% in b and e) of the total mass inside a sphere with the projected size of the region where we have kinematics (about one projected
half-light radiusRe). Panel f with a fixed contracted halo, still shows the same IMF variation, but it is almost systematically lower by 35% in (M/L)stars reflecting
the increase in dark matter fraction. The two black thick ellipses plotted on top of the smooth relation in panel d show the representative 1σ error for one measurement
at the given locations. We excluded from the plot the galaxies with very young stellar population (selected as having Hβ > 2.3 Å absorption). These galaxies have
strong radial gradients in their population, which break our assumption of spatially constantM/L and makes both (M/L)Salp and (M/L)stars inaccurate.
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The multiplicity of massive stars 5

Figure 1. Left-hand panel: typical parameter space for massive binaries. A primary of 40 M� at
a distance of 1 kpc has been assumed to construct this sketch. The relevant regions for various
detection techniques have been overlaid. Right-hand panel: measured multiplicity in those parts
of parameter space (see text for details).

4. The multiplicity fraction of O-type stars

4.1. Spectroscopic binary fraction in various separation regimes

The right-hand panel of Fig. 1 gives an overview of the results from recent surveys,
including the minimum multiplicity fraction obtained in each part of parameter space
from the relevant technique:
Spectroscopy: The most comprehensive overview of the spectroscopic binary (SB) frac-

tion is provided by Mason et al. (2009). Based on a review of the literature covering more
than 300 O-type objects, these authors found over half of the sample to be part of a SB
system. The systems are separated, almost equally, into single- (SB1) and double-lined
(SB2) systems.
Speckle interferometry: In the same paper, Mason et al. (2009) provide speckle obser-

vations of 385 O-type stars, thus covering almost all of the targets in the Galactic O star
catalog (Máız-Apellániz et al. 2004). 11% of the objects in the Mason et al. sample are
found to have speckle companions.
Enhanced imaging techniques: At larger separations, AO-corrected and lucky imaging

surveys (respectively, Turner et al. (2008) – 138 O stars – and Máız Apellániz (2010) –
128 O stars) found that 37% of the O stars are part of wide multiple systems. These two
studies are mostly limited to the northern hemisphere and are thus missing some of the
richer massive star clusters and associations in the southern sky. Part of this gap is filled
by the AO campaigns of Duchêne et al. (2001) and Sana et al. (2010b) on, respectively,
NGC 6611 and Tr 14. Both studies revealed a lower multiplicity fraction of 18% for
their sample of OB stars. Yet, (part of) this di�erence results from the fact that these
two regions are dense clusters. In these environments, disentangling the true pairs from
chance alignment with stars in the same clusters becomes more challenging and only a
smaller separation range can be investigated reliably. Interestingly, both Duchêne et al.
and Sana et al. concluded that OB stars have more companions than lower mass-stars.
Interferometry: As mentioned earlier, interferometry is less suitable for surveys. To the

best of our knowledge, only one homogeneous survey has been attempted so far. Nelan
et al. (2004) targeted a limited sample of 23 O-type stars in the Carina region with the
Hubble Space Telescope fine guidance sensor, resolving close-by companions for four stars.

Sensi5vity	  regions	  for	  
different	  binary-‐
finding	  techniques,	  
assuming	  a	  40	  solar	  
mass	  primary	  at	  a	  
distance	  of	  1	  kpc	  (Sana	  
&	  Evans	  2011)	  



Mul5ple	  system	  
frac5on	  vs.	  spectral	  
type	  for	  Hipparcos	  
members	  of	  the	  Sco	  
OB2	  associa5on	  
(yellow:	  Upper	  Sco;	  
red:	  Upper	  Centaurus	  
Lupus;	  blue:	  Lower	  
Centaurus	  Crux)	  
(Brown	  2001)	  



Single	  star	  frac5on	  vs.	  
stellar	  spectral	  type	  
(Lada	  2006)	  



Binary	  period	  distribu5on	  for	  solar	  neighborhood	  G	  dwarfs	  (Duquennoy	  
&	  Mayor	  1991)	  
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Figure 4. Cumulative distribution functions (CDFs) of the periods (P ), mass-ratios (q) and
eccentricities (e). The plain thin/magenta and thick/blue lines indicate the CDFs of, the Galactic
O-star sample and the nearby cluster sample, respectively. Left-hand panel: the dashed line shows
an Öpik Law over this range of periods, while the dot-dashed line indicates the alternative law
given by Eq. 5.2. Middle panel: the dashed line indicates a uniform distribution in the considered
range. Right-hand panel: the dashed line indicates a uniform distribution for e > 0.

of SB1 is roughly compatible with an extension of the uniform CDF towards q < 0.2;
testing this statement will require detailed simulations.
As a direct consequence of a uniform mass-ratio CDF, the presence of a twin population

with q > 0.95 proposed by Pinsonneault & Stanek (2006) can be rejected. Another
implication resides in the fact that massive binaries cannot be formed by random pairing
from a Salpeter/Kroupa IMF. Our results rather suggest the presence of a mechanism
that favors the creation of O+OB binaries. Such a mechnaism could find part of its
origin in the early dynamical evolution, where companion exchanges favor the capture of
more and more massive secondaries. It could also trace a particular formation mechanism
(Zinnecker & Yorke 2007).
Eccentricity: The CDF of the eccentricities (Fig.4, right-hand panel) is characterized by

an overabundance of circular and low eccentricity systems. Indeed, 25-30% of the systems
displayed a circular orbit, while another 30% have e < 0.2. This behaviour contradicts
the expected properties of a purely thermal binary population, which can be qualitatively
explained by the large fraction of short-period systems for which tidal dissipation will
tend to circularize the orbit.
An analytical description of the observed CDF for eccentric systems can be provided

through CDF (e > 0) � e0.5 in the range 0.0<e< 0.8. However, as 20% of the cluster
sample and 50% of the Galactic sample are lacking robust eccentricities and as biases are
most likely to a�ect larger eccentricities, we cannot consider this relation as definite. That
said, one would expect that CDF (e) will remain overabundant towards low eccentricity
systems.

6. Summary

We have attempted to provide an overview of our current knowledge of the important
multiplicity properties of massive stars. We described some of the physical processes and
observational biases that lead to binaries behaving di�erently compared to single stars.
We then briefly described the observational parameter space that one needs to explore to
investigate massive binaries, and we discussed the challenges of probing it homogeneously.
Despite these di⌅culties, it is now well established that the vast majority of O-type stars
are part of a multiple system. The typical separation between the multiple components
covers at least 4 order of magnitudes.

Cumula5ve	  distribu5on	  
func5on	  of	  O	  star	  periods	  for	  
nearby	  clusters	  (magenta)	  and	  
all	  O	  stars	  (blue).	  The	  dashed	  
line	  is	  an	  Opik’s	  law	  
distribu5on,	  and	  the	  dot-‐
dashed	  is	  a	  “broken”	  Opik’s	  law	  
with	  an	  excess	  at	  small	  periods	  
(Sana	  &	  Evans	  2011)	  
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Distribu5on	  of	  G	  
dwarf	  binary	  mass	  
ra5os	  (histogram),	  
compared	  to	  that	  
expected	  for	  
random	  drawing	  
from	  a	  Miller-‐Scalo	  
IMF	  (dashed	  line	  
labeled	  MS)	  
(Duquennoy	  &	  
Major	  1991)	  
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Figure 4. Cumulative distribution functions (CDFs) of the periods (P ), mass-ratios (q) and
eccentricities (e). The plain thin/magenta and thick/blue lines indicate the CDFs of, the Galactic
O-star sample and the nearby cluster sample, respectively. Left-hand panel: the dashed line shows
an Öpik Law over this range of periods, while the dot-dashed line indicates the alternative law
given by Eq. 5.2. Middle panel: the dashed line indicates a uniform distribution in the considered
range. Right-hand panel: the dashed line indicates a uniform distribution for e > 0.

of SB1 is roughly compatible with an extension of the uniform CDF towards q < 0.2;
testing this statement will require detailed simulations.
As a direct consequence of a uniform mass-ratio CDF, the presence of a twin population

with q > 0.95 proposed by Pinsonneault & Stanek (2006) can be rejected. Another
implication resides in the fact that massive binaries cannot be formed by random pairing
from a Salpeter/Kroupa IMF. Our results rather suggest the presence of a mechanism
that favors the creation of O+OB binaries. Such a mechnaism could find part of its
origin in the early dynamical evolution, where companion exchanges favor the capture of
more and more massive secondaries. It could also trace a particular formation mechanism
(Zinnecker & Yorke 2007).
Eccentricity: The CDF of the eccentricities (Fig.4, right-hand panel) is characterized by

an overabundance of circular and low eccentricity systems. Indeed, 25-30% of the systems
displayed a circular orbit, while another 30% have e < 0.2. This behaviour contradicts
the expected properties of a purely thermal binary population, which can be qualitatively
explained by the large fraction of short-period systems for which tidal dissipation will
tend to circularize the orbit.
An analytical description of the observed CDF for eccentric systems can be provided

through CDF (e > 0) � e0.5 in the range 0.0<e< 0.8. However, as 20% of the cluster
sample and 50% of the Galactic sample are lacking robust eccentricities and as biases are
most likely to a�ect larger eccentricities, we cannot consider this relation as definite. That
said, one would expect that CDF (e) will remain overabundant towards low eccentricity
systems.

6. Summary

We have attempted to provide an overview of our current knowledge of the important
multiplicity properties of massive stars. We described some of the physical processes and
observational biases that lead to binaries behaving di�erently compared to single stars.
We then briefly described the observational parameter space that one needs to explore to
investigate massive binaries, and we discussed the challenges of probing it homogeneously.
Despite these di⌅culties, it is now well established that the vast majority of O-type stars
are part of a multiple system. The typical separation between the multiple components
covers at least 4 order of magnitudes.

Binary	  mass	  ra5o	  distribu5on	  for	  G	  
star	  primaries,	  considering	  only	  
binaries	  with	  periods	  <	  1000	  days	  in	  
the	  Dueqennoy	  &	  Mayor	  (1991)	  
sample	  (Mazeh	  et	  al.	  2002)	  

Binary	  mass	  ra5o	  distribu5on	  for	  O	  
star	  primaries	  with	  periods	  <	  1000	  
days.	  Magenta	  is	  the	  sample	  from	  
nearby	  clusters,	  blue	  is	  the	  full	  
galac5c	  O	  star	  sample	  (Sana	  &	  
Evans	  2011).	  


