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Figure 1. Extinction map of the MonR2 cloud overlaid in red with the spatial distribution of Spitzer-identified YSOs. The inverted gray scale is a linear stretch from
AV = −1 to 10 mag. Contour overlays start at AV = 3 mag and their interval is 2 mag. The IRAC coverage is marked by the green boundary. The projected positions
of the YSOs in MonR2 closely trace almost all of the areas of detectably elevated extinction. Denser clusters of YSOs are clearly apparent in the zones of highest
extinction.
(A color version of this figure is available in the online journal.)

Figure 2. Extinction map of the CepOB3 cloud overlaid in red with the spatial distribution of Spitzer-identified YSOs. The gray-scale and contour properties are
identical to those in Figure 1. As in that figure, YSOs are predominantly projected on the elevated extinction zones within the cloud, and clusters are found in the
highest extinction zones. However, unlike MonR2, the large CepOB3b young cluster in the northwest corner of the coverage is largely offset from significant extinction.
Focused examination of this region in particular suggests that the OB stars present have dispersed much of the local natal cloud material (Getman et al. 2009; T. S.
Allen 2011, in preparation).
(A color version of this figure is available in the online journal.)
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Figure 6: Distributions of gas and young stars in two star-forming regions near the Sun: MonR2 (top) and CepOB3 (bottom). In both panels, the
inverted grayscale shows the gas column density as measured by the dust extinction; the color scale is from AV = �1 to 10 mag, linearly stretched.
(Note that negative AV is possible due to noise in the observations.) Contours start at AV = 3 mag and increase by 2 mag thereafter. Red circles
indicate projected positions of young stellar objects identified by infrared excess as by Spitzer. The green contour marks the outer edge of the
Spitzer coverage. Reprinted from Gutermuth et al. (2011), reproduced by permission of the AAS.

of the velocity distribution as a function of position.
The observational situation is that the first moment map
is qualitatively similar for the low-density gas, dense
cores, and stars. The second moment map is qualita-
tively similar for the stars and dense gas, but both stars
and dense cores have significantly smaller second mo-
ments of their velocity distribution than does the low-
density gas around them.

2.2.2. Time Evolution of Stellar Clustering

The correlations between stellar positions and be-
tween gas and stars are noticeably variable from one re-
gion to another, as is clear simply from visual inspection
of Figure 6. In MonR2, the stellar distribution is well-
correlated with the gas, while in CepOB3 the peaks of
the gas and stellar distribution are noticeably o↵set from
one another. Quantitative analysis backs up the visual
impression: Gutermuth et al. (2011) find that the Pear-
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Fig. 1.—Locations of stars in Taurus and Upper Sco, superimposed on 60 mm IRAS images. Members are denoted by green crosses, while the sample fields in
Upper Sco are denoted by blue circles. The field of view is 17! in Taurus and 5! in Upper Sco. Known members in Upper Sco outline the dusty clouds in the
northern field, suggesting systematic incompleteness for extincted members. [See the electronic edition of the Journal for a color version of this figure.]

Fig. 2.—Two-point correlation functions for members of Upper Sco and
Taurus. These plots show the surface density of neighbors as a function of
separation, S(v), with v in degrees (bottom axis) or in parsecs (top axis). The
observations are from our recent wide binary survey (Kraus & Hillenbrand
2008; filled circles) or membership surveys in the literature (open circles).
For each association, we have fit power laws to the small-scale regime (red;
binary systems), the large-scale regime (blue; association members distributed
according to the primordial structure), and the intermediate regime (green;
association members with a randomized spatial distribution). [See the elec-
tronic edition of the Journal for a color version of this figure.]

superimposed on archival 60 mm IRAS images. In Upper Sco,
we see evidence of incompleteness for the northern field. Most
of the known members outline the dusty regions, suggesting
that any members in these regions were too extincted to have
been identified. As we discuss later, this could affect the TPCF
on scales of !1!. In Taurus, the distribution traces the fila-

mentary dust, although there are also many filaments that do
not include any known members.

We directly measured for Taurus because our sampleS(v)
spans the entire area of the association. However, for bounded
subsets (as in Upper Sco), it is often easier to evaluate the
TPCF via a Monte Carlo–based definition, w(v) p

, where is the number of pairs with sep-N (v)/N (v) ! 1 N (v)p r p

arations in a bin centered on v and is the expected numberN (v)r

of pairs for a random distribution of objects over the bounded
area (Hewett 1982). The advantage is that this method does
not require edge corrections, unlike direct measurement of

. In both cases, we report our results as since it is aS(v) S(v)
more visually motivated quantity than . In Figure 2, wew(v)
plot for Upper Sco (top) and Taurus (bottom) spanning aS(v)
separation range of 3" to 10!.

Based on the predicted time evolution of young associations
(Bate et al. 1998), we expect that can be fit with a twice-S(v)
broken power law, corresponding to structure on three scales.
At small scales, bound binary systems yield a relatively steep
power law. At large scales (and for young ages, !1 crossing
time), intra-association clustering yields a shallower (but non-
zero) power law that corresponds to the primordial structure
of the association. Finally, at intermediate separations, the ran-
dom motion of association members acts to smooth out the
primordial structure and yield a constant surface density (and
thus a slope near zero, according to the simulations of Bate et
al. 1998). The first knee (transition between gravitationally
bound multiplicity and a smooth randomized distribution) cor-
responds to the maximum angular scale for distinguishing bi-
nary systems, while the second knee (transition between a ran-
dom distribution and primordial structure) corresponds to an
angular scale that depends on the age since members were
released from their natal gas clouds, t, and the internal velocity
dispersion, , where . Hartmann (2002) suggested thatv v ∝ tvint int

this break also could indicate the mean spacing of cores along
filaments (the Jeans length), which assumes that stars have
randomized by a smaller angular scale and that the inferred
value characteristic angular scale, the inferred value of isvint

an upper limit.
In Table 1, we summarize our weighted least-squares fits for
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Fig. 7. ∆-variance spectra of all sources where we obtained AV maps in this study. The Lag scale is in parsec.

compared to Cygnus (4 pc) could arise because the average den-
sity of clumps in Cygnus (Schneider et al. 2006) is higher than in
Rosette (Williams et al. 1995) and thus the 13CO line is saturated
on a smaller scale.

For the other sources (Perseus, Orion A/B, Mon R2, and
NGC 2264), we obtained the ∆-variance from Fig. 10 in Bensch
et al. (2001), based on 13CO 1→0 data from the Bell Labs 7m
telescope survey (Bally et al., priv. commun.). The form of the
spectrum is rather similar to those obtained from the AV-maps,
but the location of peaks and the values of β differ slightly. It
seems that the angular resolution of the maps has an influence on
the shape of the ∆-variance because its form for the extinction
maps (at 2′ resolution) corresponds well to the 1.7′ Bell Labs
data but differs from that of the 50′′ resolution FCRAO surveys.
However, Padoan et al. (2003) found for Taurus and Perseus that
the structure function of 13CO follows a power-law for linear
scales between 0.3 and 3 pc, similar to our finding that a first
characterestic scale is seen around 2.5 pc. A more recent study
of Brunt (2010) of Taurus, comparing the power spectra deter-
mined from 13CO and AV, showed that they are almost identical
and that there is a break in the column density power spectrum
around 1 pc. Below a wavenumber corresponding to a wave-
length of ∼1 pc, Brunt (2010) found a power spectrum slope of
2.1 (similar to the delta variance slope found here). At wavenum-
bers above that (smaller spatial scales), a steeper spectrum was
seen, with an index of 3.1. This power spectrum break is associ-
ated with anisotropy in the column density structure caused by
repeated filaments (Hartmann 2002), which are possibly gener-
ated by gravitational collapse along magnetic field lines.

4.2.3. The ∆-variance for all clouds

Figure 7 shows the ∆-variance spectra for all clouds in this
study obtained from the AV-maps. At small scales (below 1 pc)

most sources show a non-constant spectral index steepening
toward the resolution limit. This is consistent with decaying
turbulence dissipated at small scales (Ossenkopf & Mac Low
2002), but also with driven turbulence at small lags (Federrath
et al. 2009). However, there are three exceptions: Chameleon
and Taurus show an intermediate peak at 0.3–0.4 pc and Perseus
shows no clear indication of a steepening. The intermediate peak
could mean that the extinction map is affected by a separate,
more distant, component that is actually dominated by struc-
tures larger than assigned in the plot (see also discussion be-
low). Alternatively, it could be produced by a systematic struc-
ture of the detected size that affects the turbulence in the cloud.
Candidates for these structures are SN-shells. Expanding ioniza-
tion fronts from OB associations impact the cloud structure as
well. For example, it is known that Lupus is influenced by a sub-
group of the Sco OB2 association (Tachihara et al. 2001) both by
past SN explosions and present OB stars and their HII regions.
Cygnus is exposed to the very massive OB2 cluster (Knödlseder
et al. 2000), but lacks a significant number of SN shells. Orion
A and B are influenced by stellar-wind driven compression cen-
tered on Ori OB 1b.

At scales above 1 pc nearly all low-mass SF clouds show
a characteristic size scale as a peak of the ∆-variance spectrum
(see Sect. 4.2.4), i.e. Cor. Australis, Taurus, Perseus, Chameleon,
Pipe show a common peak scale at 2.5–4.5 pc. This indicates
the scale of the physical process governing the structure forma-
tion. This could e.g. be the scale at which a large-scale SN shock
sweeping through the diffuse medium is broken at dense clouds,
turning the systematic velocity into turbulence. The GMCs,
on the other hand, show no break of the self-similar behav-
ior at all up to the largest scales mapped. The Rosette is com-
pletely dominated by structure sizes close to the map size. At
the largest, Galactic scales, energy injection due to, e.g., spiral
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these observations. The FWHM beam size is !3500. Obser-
vations were conducted with 64 MHz bandwidth, dual po-
larization, and 1024 channels per polarization (i.e., 62.5 kHz
per channel corresponding to 0.21 km s"1). The actual on-
source integration time varies from source to source but is
typically 10 minutes.

3. RESULTS

Our results are summarized in Tables 1 and 2. N2H
+ ve-

locities, errors, and line widths (FWHM) are reported for 41
sources; 13CO and C18O data are reported in Table 2 for 21 and
34 sources, respectively. There are a total of 34 sources for
which we have good data in both N2H

+ and at least one CO
line, allowing us to directly compare their line-center veloci-
ties. An example image of the distribution of the three mo-
lecular lines is shown in Figure 1. Sources observed with
Mopra are denoted as ‘‘SP’’ in column (5) of Table 1, as these
observations included only single pointings.

We define an N2H
+ core as ‘‘detected’’ if it has a peak in-

tegrated intensity of at least 3 ! above the noise. The bound-
aries of N2H

+ cores are defined by the contour that traces 50%
of the peak intensity, as shown by the black line in the left
panel of Figure 1. In a few cases, we need to separate multiple
cores within the same field of view. To identify separate cores,
we require that the valley of integrated intensity between the
two proposed cores be at least 3 ! below the peak of the
weakest core. Otherwise, we assume we only have one core
with an extended morphology.

For each N2H
+ core, an integrated spectrum is produced

from all the spectra within the 50% contour, and that spectrum
is then fitted using the hyperfine structure (HFS) fitting routine
in the CLASS software package (Forveille et al. 1989).3 The
line-center velocity for each core is shown in Table 2. We do
not show errors for the line widths of each spectrum, because
such errors are not useful for this paper. For a typical line width

of 0.3 km s"1 and a typical signal-to-noise ratio of 10, we
estimate a typical line width error of 0.03 km s"1.

For each 13CO and C18O map, the emission over the same
region as N2H

+ is integrated to give a single spectrum, which
is typically fitted with a single Gaussian to derive the line-
center velocity shown in Table 2. Some CO spectra show non-
Gaussian profiles, such as line wings or multiple components.
Spectra with line wings were fitted with two Gaussians, one for
the main peak and one for the line wings. Spectra with multiple
components were fitted with two or three Gaussians. If it was
clear that one of the Gaussian components was close to the
N2H

+ line-center velocity, then that component was used. In
some cases, Gaussian fits were not accurate enough to repre-
sent the spectrum, and the data were not used. Bad Gaussian
fits were identified by comparing the rms noise in the residual
to the rms noise in a line-free part of the spectrum. If the ratio
of residual noise to line-free noise was greater than

ffiffiffi
2

p
, then

the fit was deemed to be inaccurate and was therefore not used.

4. DISCUSSION

4.1. Determination of Line-Center Velocity Errors

We need to know how precisely we can measure a line-
center velocity in order to identify any significant motions.
The 1 ! velocity error in a single Gaussian fit (S ) follows
equation (1),

S ¼ 0:692
N

I

" #
(!v!x)1=2; ð1Þ

where N is the rms noise in the spectrum, I is the peak in-
tensity, !v is the line width in km s"1, and !x is the channel
width in km s"1 (Landman et al. 1982).

The case of predicting line-center velocity errors for multiple
lines, such as the hyperfine structure of N2H

+, is more com-
plicated. This is because the N2H

+ lines may be blended, which
will affect the goodness of fit. Therefore we use a Monte Carlo
method to estimate errors: we simulate an N2H

+ spectrum of

Fig. 1.—Morphology and spectra of lines in L1221. Left: Contour overlay map of 13CO (light gray), C18O (dark gray), and N2H
+ (black) for L1221. Contours are

50% of the peak for each molecule. The 50% contour is used as the defining boundary of each core. The dots represent the positions of peak integrated intensity for
each molecule. Right: Spectra of 13CO, C18O, and N2H

+ made by adding individual spectra within the N2H
+ 50% contour.

3 See http://www.iram.fr/ IRAMFR/GS/class/class.html.
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Figure 3. Left: PV plot of all nonbinary targets, using only Hectochelle data with R > 6.0. Right: fit to peak of stellar velocity distribution, binned in declination, of
the R.A. range of 84.◦0–83.◦6. Bins are the same as in Figure 2.
(A color version of this figure is available in the online journal.)

the entire expanse of the molecular cloud. Notably, both the
stars and gas show an abrupt shift toward greater velocities at
a declination of about −5.◦4. This velocity shift is reflected in
the histogram from −5.◦2 to −5.◦4 in Figure 2 as a broad peak in
the velocity distribution. The broad peak results from the stellar
velocities closely following the molecular gas velocity through
the velocity shift. The velocity shift takes place just north of the
Trapezium, approximately at the center of the gaseous filament.
The characteristic LSR velocity of the gas and stars before the
shift is about 8 km s−1, after the shift it is about 11 km s−1.

4. DISCUSSION

4.1. Spectroscopic Binary Population

The binary fraction of the ONC has garnered much attention
recently. The Hubble Space Telescope has made it possible to
observe binary stars in the ONC down to ∼ 0.′′15 (60 AU)
separations. The most recent of these studies find that only
∼8.8% of ONC stars are binaries; slightly deficient compared to
the field stars and a factor of 2 lower than Taurus (Reipurth et al.
2007). The leading theory for this observation is that dynamical
interactions in the dense cluster environment disrupt wide binary
systems (Reipurth et al. 2007). In order to test this explanation,
we must determine the binary frequency for all separations. This
would enable us to tell if all binary systems are deficient or if
there is a certain separation distance where the ONC becomes
deficient. However, as the visual searches are not sensitive to
close separations, a large population of binary stars could still
be present but only detectable through RV monitoring.

Presently, we have identified 89 binaries or 11.5% of the total
sample with multi-epoch coverage. However, our data set is not
complete enough to yield an accurate final estimate; our value
of 11.5% should be regarded as a lower limit. If we used a lower
R cutoff for our χ2 routine or lower probability restriction, we
would add more binaries to the sample. Further observations will
likely confirm additional systems. To characterize the binary
systems with respect to the rest of the ONC, we have plotted

the detected binaries as crosses on the V−I color–magnitude
diagram (CMD) of the ONC in Figure 4. Most of the binary
stars trace a binary sequence with magnitudes slightly greater
than the median of the ONC.

Curiously, we have found that ∼30% of our detected binary
systems also show an IR excess using the K−IRAC 3.6 µm
versus IRAC 3.6–4.5 µm color–color diagram indicating the
presence of a circumstellar disk. In Figure 1, the positions
of binary stars are plotted, and those having an IR excess
are marked with star points. Also, to assess the separation
of these systems we plot maximum velocity difference, a
surrogate for semimajor axis, versus K−[3.6] in Figure 5. The
maximum velocity difference is determined by measuring the
difference between correlation peaks for the SB2s and simply
the maximum RV minus the minimum for systems detected by
velocity variability. We see that some binaries with NIR excesses
at 3.6 µm also have velocity variations larger than 10 km s−1,
which is ∼10 AU for a system of 1 M⊙ total mass. The majority
of stars with velocity differences greater than 10 km s−1 are
binaries identified from the double-peaked correlation function.

The significant number of spectroscopic binary systems with
NIR excess is surprising. For most binary systems compact
enough to be detected spectroscopically, the companion star
is expected to have evacuated the inner disk as in Coku Tau/4
(Ireland & Kraus 2008). Thus, the binaries without a NIR excess
could be transition objects or have an inner disk hole, these
objects would then show an IR excess longward of 10 µm.
Seven others have NIR excesses but have velocity variations
less than 10 km s−1. These systems may be wider binaries with
a truncated outer disk. Perhaps there is an upper limit to the
eccentricity of the companion orbit in order to retain the inner
disk. This appears to be the case of GG Tau (McCabe et al. 2002)
which is shown to have the spectrum of a normal disk (Furlan
et al. 2006) and an eccentricity of ∼0.3. It is also possible that the
disk clearing by the companion has simply not been completed
in these relatively young systems. Mid-IR spectra and MIPS
photometry in forthcoming studies from Spitzer and further RV
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Figure 1. Mass functions of star clusters in different age intervals in different
galaxies (as indicated). These have been adapted from the references given in
the text. The absolute normalizations of the mass functions are arbitrary, but the
relative normalizations within each panel are preserved. The lines show power
laws, dN/dM ∝ Mβ , with the best-fit exponents listed in Table 1. Note that
these are all close to β = −1.9.

Lada (2003) and Chandar et al. (2010b) describe these methods
in more detail.

For ease of comparison, we have made two simple ad-
justments to the published mass and age distributions when
constructing Figures 1 and 2. First, we replotted them in a uni-
form format: log(dN/dM) against log(M/M⊙) and log(dN/dτ )
against log(τ/yr). For the solar neighborhood, the original dis-
tributions were presented in the form log(MdN/d log M) against
log(M/M⊙) and log(dN/d log τ ) against log(τ/yr). Second, we
adopted a uniform conversion from light to mass based on
stellar population models with the Chabrier (2003) IMF. For
the LMC, SMC, M51, and Antennae, the original distributions
were based on models with the Salpeter (1955) IMF, which
have ∆ log M = 0.2 and ∆ log τ = 0.0 relative to models with
the Chabrier (2003) IMF.

The observed mass and age distributions are well represented
by featureless power laws:

dN/dM ∝ Mβ, (1)

dN/dτ ∝ τ γ . (2)

We list the best-fit exponents and their formal 1σ errors for the
12 mass functions and 10 age distributions in Tables 1 and 2. The
straight lines in Figures 1 and 2 show the corresponding power
laws. Both the mean and median exponents for this sample
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Figure 2. Age distributions of star clusters in different mass intervals in different
galaxies (as indicated). These have been adapted from the references given in the
text. The absolute normalizations of the age distributions are arbitrary, but the
relative normalizations within each panel are preserved. The vertical spacing
between the age distributions depends on the adopted mass intervals, which
differ among the galaxies for practical reasons (distance, limiting magnitude,
sample size). The lines show power laws, dN/dτ ∝ τγ , with the best-fit
exponents listed in Table 2. Note that these are all close to γ = −0.8.

are β = −1.9 and γ = −0.8, and the standard deviations
of individual exponents about the means are σβ = 0.15
and σγ = 0.18 (with full ranges −2.24 � β � −1.70 and
−1.05 � γ � −0.54). As a result of stochastic fluctuations in
the luminosities and colors of clusters, the true uncertainties
(errors) in the exponents, ϵβ and ϵγ , are usually larger than
the formal 1σ errors listed in Tables 1 and 2, with typical
values ϵβ ∼ ϵγ ∼ 0.1–0.2 (Fouesneau et al. 2012).3 Since these
are similar to the dispersions σβ and σγ , we cannot tell whether
the small differences among the exponents are real, although we
do expect differences at roughly this level, as explained below.

Figures 1 and 2 show that the mass and age distributions are
essentially independent of each other. This follows from the
parallelism of the mass functions in different age intervals and
the age distributions in different mass intervals. The vertical
spacing between the age distributions differs only because the
adopted mass intervals differ, a consequence of the different
distances, limiting magnitudes, and sample sizes among the
galaxies. Thus, we can approximate the bivariate mass–age

3 In fact, these estimates are lower limits to ϵβ and ϵγ because they neglect
likely systematic uncertainties and/or variations in the adopted stellar
population models and extinction curves. When we make reasonable
allowance for these effects, the true uncertainties increase to ϵβ ∼ ϵγ ∼ 0.2.

2

Figure 7: Cluster mass (left) and age (right) distributions in six galaxies. In the left panel, the figures show the number of clusters in each
logarithmically-spaced bin in mass, with di↵erent symbols corresponding to di↵erent cluster ages. The right panel shows number of clusters in
logarithmically-spaced age bins with di↵erent symbols for di↵erent cluster masses. Taken from Fall & Chandar (2012), reprinted by permission of
the AAS.

2.3. The Initial Mass Function

Zooming in even further from stellar clusters, we
reach the scale of individual stars. Numerous proper-
ties of stars are important for determining their observ-
able characteristics and evolutionary path, but of course
the most important is their mass. The distribution of
stellar masses at birth is known as the initial mass func-
tion (IMF). The current state of research into the IMF
has been the subject of several recent reviews (Bastian
et al. 2010; Je↵ries 2012; Kroupa et al. 2013; O↵ner
et al. 2014), so I here I only provide a short synopsis,
and refer readers to those reviews for more details. It
should be noted that there is some level of disagree-
ment even on the observational side (for example see
Kroupa et al. (2013) versus O↵ner et al. (2014) and Bas-
tian et al. (2010)), but for the purposes of this review I
have mostly limited myself to those issues about which
there is some consensus; where I make controversial
claims about the observations that are not universally-
accepted, I will attempt to make this clear. Observa-
tional e↵orts to measure the IMF can be divided into
two categories: those that make use of resolved stellar

populations, and those that attempt to measure the IMF
of unresolved stellar populations.

2.3.1. Resolved Stellar Populations
Field Star Surveys. The most obvious way to measure
the IMF is to begin with field stars visible in the Solar
neighborhood, an e↵ort that began with Salpeter (1955).
Measuring the IMF from the field involves five main
steps, the first two of which involve construction of the
sample, and the last three of which involve derivation
of the IMF from it. First, one must determine the lumi-
nosity function for stars in the sample region in some
observing band. This requires that apparent magnitudes
be combined with distance measurements, which are
not trivial to obtain. For stars within ⇠ 20 pc of the
Sun, accurate parallax distances from Hipparcos can
be used (e.g., Reid et al. 2002), but such a small sur-
vey volume provides limited statistics, and so it is more
common to use distances estimated from photometry or
spectroscopy (e.g., Bochanski et al. 2010), which are
subject to significant systematic uncertainties. Thus the
design of the survey involves a tradeo↵ between statis-
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A variation of the Γ within M83 5

Figure 2. Left panel: The radial variation of Γ within M83. The filled (red) circles show the estimates for the four radial bins studied
in this work, while the filled (red) star represents the estimated values for the central region of M83 (Goddard et al. 2010). Open (blue)
diamonds represent the theoretical expectations from the model of Kruijssen (2012). While the predictions are a factor of 2 − 3 too
high, they predict the overall trend well. Green and purple triangles represent test using smaller age intervals inside each bin and equal
radii bins, respectively. The errors are derived assuming a 0.3 dex in the age/mass estimations and 0.1 dex in the star formation history
estimations. In the case of equal radii bins, the errors are larger at larger Rgc due to small number of clusters. Right panel: Comparison
between the models and the observations for ΣSFR and Γ. Data taken from Goddard et al. (2010); Annibali et al. (2011); Adamo et al.
(2011); Silva-Villa & Larsen (2011); Cook et al. (2012) as well as that presented here.
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supported by a Royal Society University Research Fellow-
ship.

REFERENCES

Annibali, F., Tosi, M., Aloisi, A., van der Marel, R. P. 2011, AJ,
142, 129
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M < 0.05 M⊙, since these stars are usually short-lived and
possibly subject to details of numerical sink particle formation
or merging. The two mass functions are nearly the same. A
two sample Kolmogorov–Smirnov test gives a 50% chance that
both samples are drawn from the same underlying function. The
primary difference between the two mass functions lies in the
heaviest star in the simulation. The core that forms the heaviest
star fragments early in BW, turning a star that is 2.8 M⊙ in RW
into a 2.0 M⊙ star in BW with two extra M ∼ 0.4 M⊙ stars. The
reduced fragmentation in RW for that star might be expected
from radiative feedback, since that is the most luminous star in
the simulation.

To understand why radiation does not significantly alter star
formation for regions of low-mass star formation such as we
are considering, we expand on a line of reasoning developed by
Bate (2009b). He introduced an effective Jeans length, which
we write as λeff , defined by the condition

λeff ≡ GM

c2
s

, (24)

so that λeff is the radius at which the escape velocity equals
the isothermal sound speed, cs. Since the mass inside λeff is
M = (4π/3)ρλ3

eff , one finds that Bates’ effective Jeans length
is smaller than the standard Jeans length, λJ, which is given in
Equation (3), by a factor π (4/3)1/2 = 3.63. On the other hand,
λeff is comparable to the radius of the fragments we find in
our simulations, which have a diameter of λJ/2, corresponding
to a radius of λJ/4. Bates’ effective Jeans mass, which is the
mass within a radius λeff , is smaller than the standard value in
Equation (4), by a factor π3/

√
27 ≃ 6.0.

To estimate the dust temperature at a distance λeff from a
star of luminosity L, we follow Bate (2009b) and ignore the
frequency dependence of the dust absorption coefficient; λeff is
then given by the condition

L = 4πλ2
effσSBT 4, (25)

where σSB is the Stefan–Boltzmann constant. Since cs =
(kT /µmH)1/2, we have

T =
!

GµmHρL

3kσSB

"1/5

= 5.3
!

ρ

10−19 g cm−3 · L

L⊙

"1/5

K.

(26)
Bate (2009b) adopted a fiducial luminosity of 150 L⊙, which
gives T ≃ 15 K for ρ ≃ 10−19 g cm−3. This is larger than
the background temperature of 10 K that we have assumed;
the Jeans mass is therefore increased and fragmentation is sup-
pressed. However, the observed median luminosity in local star-
forming regions is far smaller: Enoch et al. (2009) find a median
luminosity of only 1.5 L⊙, which gives a temperature of only
5.8 K at λeff . Since this is less than the background temperature,
we conclude that protostars typically do not suppress fragmenta-
tion at densities of order 10−19 g cm−3, which are characteristic
of low-mass star-forming regions. At higher densities, the ac-
cretion luminosity can raise the temperature enough to begin to
suppress fragmentation in clouds with T ≃ 10 K.

4.5. Fragmentation in Rho Ophiuchus

Our cloud fragments at about half the Jeans length (i.e.,
at ∼0.1 pc), but then continues to fragment below this point.
Fragmentation at the Jeans length is commonly observed (Blitz

Figure 17. Two-point correlation function, w, for clumps in simulation RW
convolved with a 1600 AU Gaussian beam. The correlation function is calculated
at an early time, t ∼ 0.4tff and a late time, t ∼ 0.75tff . The correlation is similar
at early and late times, except for the smallest scales, where fragmentation
increases over time. For comparison, the fit to r < 3 × 104 AU measurements
from ρ Ophiuchus is also included.
(A color version of this figure is available in the online journal.)

& Williams 1997; Enoch et al. 2008). In instances where ob-
servers have the resolution and sensitivity to resolve fragmenta-
tion at scales below the Jeans length, however, even more frag-
mentation is found (Motte et al. 1998; Johnstone et al. 2000;
Teixeira et al. 2007; Chen & Arce 2010; Bontemps et al. 2010).
Fragmentation can be quantified as a function of scale, r. Given a
set of clump locations in a cloud, one can calculate a set of clump
pair separations. Let the differential number of pairs separated
by distance r be dNpair = H (r)d ln r . The number of clump
pair separations for randomly distributed clumps is Hran(r). The
two-point correlation function, w, can be calculated from these
quantities (Johnstone et al. 2000),

w(r) = H (r)
Hran(r)

− 1. (27)

The two-point correlation function has been measured for the
central parsec of ρ Ophiuchus by Johnstone et al. (2000). In this
measurement, excess fragmentation (w > 0) is found below
r ∼ 3 × 104 AU, similar to the Jeans length of the cloud. There
is a power-law fit, w(r) ∝ r−0.75, in this regime. Larson (1995)
also measured clustering of stars in Taurus and found a power-
law fit with a break at 8000 AU, but attributed the break to binary
stars. The separation between stars has had time to evolve since
the initial fragmentation, so we narrow our focus to comparisons
with Johnstone et al. (2000).

To compare our simulations to the observedw, we first created
optically thin column density maps of our simulations and
convolved them with a Gaussian with an FWHM of 1600 AU.
The resolution was chosen to be similar to that from Johnstone
et al. (2000). We used the Clumpfind algorithm from Williams
et al. (1994) on the convolved column density map from
simulation RW to obtain a list of clumps and their positions.
To investigate the possibility of time evolution of w, this is
performed at an early time in the simulation and then again at
a late time, t ∼ 0.4tff and t ∼ 0.75tff , respectively. The results
are shown in Figure 17. As expected, the correlation function
drops off above r ∼ 4 × 104 AU, about 2/3 the Jeans length at
ρ̄ for our simulation. More remarkably, the correlation function
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Figure 3. Distributions of gradients, |∇V |, for sight lines along the x, y, and z
directions as a function of box size. The ONC stellar data have been provided
by Tobin et al. (2009). The different data sets are offset slightly for clarity.

3.3. Gas Velocities

Observations of clusters frequently find that the star and gas
velocities are correlated (e.g., Fűrész et al. 2008). We can repro-
duce such observations by making simulated observations of the
gas in particular molecular tracers. Following the procedure of
Offner et al. (2008b), we generate a position–position–velocity
cube of the gas intensity in the 13CO (J = 1 → 0) molecular
line along one line of sight in the D2 run. We solve for the line
emission, assuming that the gas is in statistical equilibrium and
that radiative pumping is negligible.4 We adopt a cloud distance
of 400 pc and 26′′ beam size. To model the telescope resolution,
we smear each velocity channel with the Gaussian beam.

Figure 4 shows the line-of-sight 13CO gas and star velocities;
following Fűrész et al. (2008, their Figure 10), to produce this
figure from the three-dimensional position–position–velocity
cube, we have integrated along one direction on the plane of
the sky, so the intensity shown in a given (x, v) pixel is the sum
over all y values for that x and v. Our simulated image shows a
strong correlation between gas and star velocities, similar to that
seen in the star and gas velocity maps presented by Fűrész et al.
(2008). For the projection shown in Figure 4, the mean stellar
velocity is ∼ −0.8 km s−1, somewhat to the left of the mean
13CO gas velocity at 0.003 km s−1. Most of the disagreement in
the histogram occurs because not all regions traced by 13CO have
formed stars. Projections along other directions show similar
correlations between gas and star velocities.

The strong correlation between gas and star velocities might
seem surprising, given that the gas and stars have such different
velocity dispersions. The explanation is that the anti-correlation
between density and velocity found in turbulent gas serves
to artificially enhance the gas–star correlation. Figure 4 is
constructed by summing over the y direction, so each pixel
represents a density-weighted average velocity. The dispersion,
however, is a density-weighted average of velocity squared,
which, since velocity and density are anti-correlated, is much
more heavily weighted toward low-density, high-velocity gas
than what is shown in Figure 4. This low-density gas is also that
which is least correlated with the stars. The bias is exacerbated
because 13CO is thermally excited only in relatively dense gas
that is closely associated with forming stars. It is subthermally

5 We obtain the molecular data from the Leiden Atomic and Molecular
database (Schöier et al. 2005).

Figure 4. Position of the stars as a function of the line-of-sight velocity (crosses)
in run D2. The gas velocity is overlaid, where the color bar indicates the relative
13CO intensity averaged over the y coordinate. We have assumed that cloud is at
a distance of 400 pc and is observed by a 26′′ beam. The histograms on the right
shows the distribution of gas (solid) and star (dashed) velocities normalized to
the total intensity and star number, respectively.

excited in the lower density gas that dominates the dispersion.
Thus, both averaging and excitation serve to improve the
correlation between 13CO emission and stellar velocities, while
at the same time obscuring the low-density gas that carries the
bulk of the kinetic energy.

4. CONCLUSIONS

In this Letter, we have investigated the kinematic properties
of stars forming in simulated turbulent self-gravitating clouds.
These calculations represent the initial conditions of stars in
clusters prior to dynamic evolution and cloud dispersal. We
demonstrate that subvirial stellar velocity dispersions arise
naturally from clouds in virial equilibrium. Thus, long-lived
clouds satisfying a quasi-steady-state are not ruled out by
observations of clusters with small stellar velocity dispersions.
We find that gas virial parameters of order unity produce a star-
to-gas velocity dispersion ratio of approximately 0.2.

We find that turbulent initial conditions easily generate stellar
velocity gradients of the magnitude observed in star-forming
regions. Using a planar fit, we demonstrate typical gradients of
1 km s−1 pc−1, similar to the observed gradient in the ONC. We
also show that for young clusters there is a strong similarity in
the simulations between the dense gas traced by 13CO and the
star velocities. Thus, trends in the stellar velocities as a function
of position may be indicative of the dominance of large-scale
turbulent modes, rather than evidence of global collapse or cloud
rotation as suggested by some authors.
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