
Astronomy 230: Diffuse Matter in Space

Class 19 Notes: Hot Gas: Physical Processes

We have now reached our final phase of the ISM: hot gas, with temperatures >∼ 106 K. In
this class we will try to understand the thermal and dynamical behavior of this gas, and in
the final class we will try to put this together with our understanding of the other phases to
produce global models for the ISM.

I. Energy flow in hot gas

Gas at temperatures >∼ 106 K is usually produced by fast shocks or magnetic effects,
rather than radiatively. Regions exposed to large fluxes of hard radiation, for example
near AGN or accreting compact objects, are the main exception. Usually, the gas is
not in thermal equilibrium. Instead, it is impulsively heated and then takes some time
to cool down. This cooling can be accomplished by two processes: thermal conduction
of thermal energy into colder gas, or radiative losses.

A. Thermal conduction

Before launching into this discussion, first an aside: why do we consider thermal
conduction in the case of hot gas, when we don’t usually think about it in other
cases? The answer to this question is linked to a microphysical understanding of
how thermal conduction works. The full result was derived by Spitzer & Harm
(1953) and extended by Spitzer (1962), and we won’t go through the full derivation
here, but we will sketch out the basics steps to the derivation.

Consider an ionized gas with a temperature gradient in it, ∇T . We want to know
how fast that temperature gradient will be eroded by conduction. As a first step,
we should realize that the answer to this question depends almost entirely on the
behavior of the electrons, simply because the electrons have much larger mean
velocities than the ions, and thus are more mobile and able to carry energy. Thus
we should focus our attention on the electrons.

Suppose first that the electron mean free path were very long, and electrons
collided only occasionally. How much heat flux could they carry? The answer
is straightforward: the thermal energy density of the electrons is nekT , and the
mean electron velocity is (kT/me)

1/2, so the heat flux would be

Qf ∼ nekT

(
kT

me

)1/2

, (1)

which is known as the free-streaming flux.

Now let us add collisions back in. We can define a mean free-path for electrons in
the plasma as the distance it takes before Coulomb interactions randomize their
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direction of motion. Using the analysis presented in the beginning of the class, or
that you may have seen in a fluids class, this is

λe ∼
m2
e(kT/me)

2

nee4 ln Λ
∼ (kT )2

nee4 ln Λ
, (2)

where ln Λ is the usual Coulomb logarithm that must be inserted to prevent the
integrated deflections from the long range force from diverging. Clearly a smaller
mean-free path will reduce the electron heat flux, since the electrons will have their
directions randomized after traveling a shorter distance. We therefore expect the
net heat flux to scale as λe, at least for small values of λe.

Finally, we can consider the influence of the temperature gradient. Clearly the
larger the temperature gradient, the larger the heat flux will be. The natural
dependence is that the heat flux should scale linearly with∇T . To be more precise,
what should matter is the lengthscale of the temperature gradient, L ∼ ∇T/T .
If the temperature changes is a very shallow manner, L will be large and the heat
flux should be smaller. If it changes sharply, L will be small and the heat flux
should be large. Putting together these scalings, one expects that the heat flux
should obey

Q ∼ λe
L
Qf ∼

k7/2T 5/2∇T
m

1/2
e e4 ln Λ

. (3)

We define the thermal conductivity κ by

Q = κ∇T, (4)

so this implies that the conductivity should be

κ ≈ A
k7/2T 5/2

m
1/2
e e4 ln Λ

, (5)

where A is a constant factor. The detailed Spitzer (1962) result, derived from a
full Chapman-Enskog expansion of the distribution function, is that A = 0.87.

This explains why conductivity can be important for hot gas and not for other
phases of the ISM: the conductivity is a strong function of temperature, T 5/2.
This very strong dependence arises because at high temperatures electrons move
faster (v ∼ T 1/2) and have much longer mean free paths (λe ∼ T 2). This means
that, if there are cold clouds mixed into a hot medium, then conductive losses
into the cold gas can be the dominant heating process in cooling down the hot
gas. Whether this is significant or not depends on the geometry and properties
of the cold clouds.

Of course this analysis ignores magnetic fields. If there is a magnetic field, then
electrons will be restricted in their ability to move perpendicular to field lines,
and heat conduction will occur preferentially along field lines. This anisotropic
conduction gives rise to all sorts of interesting instabilities.
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B. Radiative cooling

The other way for hot gas to lose energy is by radiation. Dust cooling is not
effective in hot gas, because the density is usually too low for gas and dust to
be thermally coupled. If the density is high enough for good thermal coupling,
temperatures ∼ 106 K are way above the dust sublimation temperature, so the
dust will disappear into the gas phase. Instead, the main source of cooling is the
same as in atomic and photoionized gas: collisionally-excited line radiation.

1. The cooling function

If the gas is low density, such that we can assume that the density is below
the critical density of all important levels, then the cooling rate is

Λ = nenH

∑
S

xS
∑
u

kS,uES,u,

where xS is the gas-phase abundance of species S relative to hydrogen, kS,u
is the rate coefficient for collisional excitation of a member of species S in
the ground state to upper state u, and ES,u is the energy of that state above
ground. This expression implicitly assumes that all collisional excitations are
immediately followed by immediate radiative decays to ground, which is a
good assumption if n� ncrit.

Obviously the rate of cooling depends on the abundances xS of various species.
In gas at ∼ 106 K collisions are generally important in determining the ioniza-
tion state of the gas, and thus determining the value of xS. If photoionization
is important, and the gas has time to attain collisional ionization equilibrium,
then one can compute the ionization state of the gas as we did earlier. Thus
calculating the cooling rate becomes a two-step process: first one computes
xS from collisional ionization equilibrium, then computes the cooling function
Λ from the expression above.

While this is simple in principle, in practice it can be annoyingly difficult,
because many different species and ionization states can be important, so
the sum has a huge number of terms. There are publicly available codes
such as CHIANTI to compute the cooling function. Take these with a grain
of salt, though: often the excitation rate coefficients and the recombination
cross sections are only poorly known, leaving significant uncertainties in the
resulting cooling functions.

[Slides 1 and 2 – ionization state of Fe and cooling rate from CHIANTI]

A general result of this analysis is that the cooing rate rises sharply from
∼ 104 to a few times 104 K, as a result of Lyman α cooling from hydrogen. It
then dips slightly before rising even higher between 105 K and 106 K, driven
mainly by the high-abundance elements oxygen and carbon. Above 106 K
C and O drop in importance and Fe dominates. At very high temperatures,
above several times 107 K, hydrogen dominates again, this time through free-
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free emission – H dominates simply because H nuclei are the most common
ions to scatter off.

The overall trend above 105 K can be roughly fit with a broken powerlaw:

Λ

nenH

≈ 10−24 erg cm3 s−1
{

110T−0.76 , 5 < log T < 7.3
2.3T 0.5

6 , log T > 7.3
,

where T6 = T/106 K.

2. The Lyman α cooling peak

One can understand the behavior around 104 K due to Lyman α relatively
easily, because it is dominated by a single line. There are two significant
sources of Lyman α cooling. One is recombinations of ionized atoms that
eventually cascade down through Lyman α. At low densities, where collisional
transitions between the 2s and 2p state of neutral hydrogen are negligible,
roughly 2/3 of recombining atoms pass through the 2p state on their way to
ground, and each of these yields a Lyman α photon that eventually escapes
(by scattering in frequency or hitting a dust grain) and thus removes energy.
Thus the rate at which recombination produces Lyman α cooling is

ΛLyα−recomb ≈
2

3
α(A,B)nenH+eLyα, (6)

where eLyα = 10.2 eV is the energy of a Lyman α photon, and we adopt the
case A or B recombination rate coefficient as appropriate.

The other source of Lyman α cooling is collisional excitation of neutral hy-
drogen atoms by free electrons followed by radiative decay; due to the high
Einstein A of the Lyman α transition, the critical density is high, and we can
assume that we are in the limit where collisional de-excitations are negligible.
The cooling rate through this process is given by

ΛLyα−coll = kLyαnH0neeLyα. (7)

The one remaining step is to compute the ratio of neutral to ionized hydrogen.
Recall our earlier result on collisional ionization equilibrium. The ratio of two
ionization states is approximately given by

nH0

nH+

= 4πα3 g`
gu

fpi
C

I

kT
eI/kT ≡ R (8)

where α is the fine structure constant, gu and g` are the degeneracies of the
ground states of the two ionization states, fpi is the oscillator strength for
collisional ionization, C is a constant of order unity for giving the collisional
ionization rate cross section in terms of the Bohr radius, and I is the ionization
potential. This ratio R reaches unity when I/kT ∼ 10, which in the case of
hydrogen corresponds to T ∼ 104 K.
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Thus we have
nH0

nH

=
R

1 +R

nH0

nH

=
1

1 +R
, (9)

and the cooling function becomes

ΛLyα

n2
H

=
2

3
α(A,B)

1

(1 +R)2
+

R

(1 +R)2
kLyα, (10)

where we have approximated ne = nH+ .

One can certainly evaluate this numerically as a function of temperature given
the values of the rate coefficients, but it is more enlightening for our purposes
simply to understand the qualitative behavior as a function of temperature.
First, recall that the recombination rate coefficient is a declining function of
temperature, roughly α(A,B) ∝ T−0.7. This is because the recombination cross
section declines with electron velocity, and the electron velocity obviously
increases with temperature. Second, note that collisional excitation of H by
free electrons is an ion-neutral reaction, so the rate coefficient scales with gas
temperature as e−eLyα/kT .

Putting these two together, the scalings of the two terms are

ΛLyα−recomb

n2
H

∼ T−0.7

(1 + c(I/kT )eI/kT )2
ΛLyα−coll

n2
H

∼ (I/kT )eI/kT e−eLyα/kT

(1 + c(I/kT )eI/kT )2
,

(11)
where c is some constant. For I/kT � 1, at low temperatures, the eI/kT

terms in the denominator will dominate, and the cooling rate will fall off
exponentially because there are no free electrons to produce either recombi-
nations or collisional excitations. For I/kT � 1, at high temperatures, the
two denominators will go to unity, as all the hydrogen is ionized. However,
the numerator of the first term will fall off as T−0.7 because the recombination
rate is smaller for faster electrons, and the numerator of the second term will
fall off as T−1 because the fraction of hydrogen atoms that are neutral at any
given time declines with temperature. Thus we expect the rate of Lyman α
cooling to peak around where I/kT ∼ 1, or a bit higher because the powerlaw
falloff at high temperatures is less steep than the exponential falloff at low
temperatures. This is consistent with with the numerical result that Lyman
α cooling peaks sharply around a few times 104 K.

While we have done this calculation for the specific example of Lyman α, the
explanation for why the contribution to cooling from a particular species looks
like it does is general. For most species, the cooling function peaks around
temperatures where I/kT ∼ 0.1 − 1, where I is the ionization potential of
that species. This is both because this is the temperature range where that
ion is most abundance, and because collisional excitation rate coefficients and
recombination rate coefficients tend to fall off at temperatures from I/kT ∼ 1.
Thus each ionic species contributes a cooling peak that looks vaguely like the
Lyman α peak, and the total cooling function is the sum of many such peaks.
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3. The cooling time

We can use the cooling rate in hot gas to define a cooling time, the char-
acteristic time for gas to change its temperature significantly as a result of
radiative cooling. This is simply the ratio of the energy per unit volume to
the cooling rate per unit volume:

tcool =
(3/2)(ne + nH)kT

Λ
≈ 1 Myr

nH/cm−3
×
{

0.12T 1.7
6 , 5 < log T < 7.3

5.7T 0.5
6 , log T > 7.3

,

where ne ≈ 1.2nH, including electrons contributed by elements other than H.
Formally this is called the isochoric cooling time, because it includes changes
in energy due to radiation only, neglecting any work done by or on the gas.
This is equivalent to assuming that the gas is at constant volume.

An important implication of this is that the cooling time can be quite short
for temperatures below ∼ 106 K, and it falls rapidly at low temperatures. At
T ≈ 105 K, the cooling time can be as short as ∼ 1000/(nH/cm−3) yr. This
is the reason that there is very little gas at temperatures from 105− 106 K in
the universe. It tends to cool very rapidly until the temperature drops down
below 104 K and oxygen, carbon, and Ly α cooling shut off.

Conversely, the cooling time can be very long at high temperatures and low
densities. At 109 K, the cooling time is ∼ 100/(nH/cm−3) Myr. For typical
IGM densities in dense regions, ∼ 10−5 cm−3, this gives a cooling time of
∼ 10 Gyr, i.e. comparable to the Hubble time.

4. Caveats

Although the calculations we have just gone through are reasonable rules of
thumb, they rest on many assumptions that may or may not be satisfied.
Two complications in particular deserve mention.

First, the assumption of collisional ionization equilibrium not only requires
that photoionization be unimportant, it requires that the time required to
attain CIE be shorter than the cooling time. If this is not the case, then
the ionization state will lag behind the thermal state, and will reflect the
thermal history of the gas rather than its instantaneous temperature. This
is particularly likely to happen immediately after gas is rapidly heated by a
shock, or when the cooling rate is very high at temperatures ∼ 105 K. If the
gas gets out of CIE, the only way to follow the behavior in detail is via a full
time-dependent numerical calculation to following the ionization and thermal
state of the gas.

Second, the abundances that go into the cooling rate are non-trivial, because
they depend on the availability of metal atoms in the gas phase. In most
of the ISM the majority of refractory heavy elements such as C and Fe are
locked up in dust grains. Grains cannot survive being heated to hot gas
temperatures, but in low density environments dust-gas thermal coupling can
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be so weak that grains are never heated that much. However, they are subject
to slow erosion by the impact of fast atoms, a process known as sputtering.
This renders the abundance a time-dependent quantity. In gas that is shock-
heated, it starts low and then rises as the grains gradually give up their metal
atoms to the gas phase.

II. Supernova remnants

Within galactic disks, the main source of kinetic energy to produce hot gas is supernova
blast waves. For the remainder of this class we will study their behavior. We consider
an idealized spherical supernova that goes off with energy E = 1051E51 erg, and ejects
a mass Mej = M0M� from the star. Typical values are E51 ≈ 1 and M0 ∼ 1 − 10,
depending on the type of supernova. The explosion occurs in a uniform medium with
number density nH = n0 cm−3 and mean mass per H nucleus m = 2.3× 10−24 g.

A. Free expansion

Immediately after the explosion, the supernova ejecta have only interacted with a
mass much smaller than their mass, and so the expansion is essentially free expan-
sion into a vacuum. The expanding ejecta also drive a shock into the surrounding
medium, called the forward shock, but it carries negligible momentum initially.

This situation changes when the mass of the swept-up material becomes compa-
rable to the mass of the ejecta, which occurs when the radius of the expanding
shell of ejecta is

R1 =

(
3Mej

4πn0m

)1/3

= 1.9M
1/3
0 n

−1/3
0 pc.

Before this point the ejecta travel with mean speed

vej =

(
2E

Mej

)1/2

= 1.0× 104E
1/2
51 M

−1/2
0 km s−1,

so the time it takes the ejecta to reach radius R1 is

t1 ≈
R1

vej
= 186M

5/6
0 E

−1/2
51 n

−1/3
0 yr.

The effect of reaching this point is that the inertia of the ambient material starts
to slow down the ejecta. Since the ejecta are traveling highly supersonically, this
deceleration launches a shock into the ejecta toward the source star. This is called
the reverse shock.

B. The Sedov-Taylor phase

As the reverse shock propagates into the interior of the supernova remnant (SNR),
rapidly reaching the center. At this point all the material in the interior of the
SNR is heated to a very high temperature, and its pressure greatly exceeds that
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of the ambient ISM. The behavior at this point follows the famous Sedov-Taylor
blast wave solution, originally developed in the context of nuclear explosions on
Earth. (Historical aside: G. I. Taylor used this solution to deduce the energy of the
Trinity atomic explosion test using nothing by published photos from newspapers
and magazines. When he published the result in 1950, a number of people were
not happy. However, there was actually nothing to be hidden from the Soviet
Union, because L. I. Sedov had independently derived the solution in 1946.) You
have seen this worked out in the fluids class, so we will just review briefly.

The solution is obtained as follows. We consider an adiabatic spherically sym-
metric fluid with adiabatic index γ. The equations of fluid dynamics in spherical
symmetry read

∂ρ

∂t
+

1

r2
∂

∂r
(r2ρv) = 0

ρ

(
∂

∂t
+ v

∂

∂r

)
v +

∂P

∂r
= 0

ρ

(
∂

∂t
+ v

∂

∂r

)
e+ P

∂e

∂r
= 0,

where e is the specific internal energy of the gas. Since the gas is adiabatic, we
have

P = (γ − 1)ρe.

In the limit where the ambient pressure is negligible, there are no radiative losses,
and the initial mass of the ejecta is negligible compared to the swept-up mass, the
only dimensional parameters in the problem are the initial energy of the explosion
E0 and the ambient density ρ0. Thus the radius Rs of the shock at any given time
t must depend only on E0, ρ0, and t:

Rs = AEα
0 ρ

β
0 t
η,

where A is a dimensionless number.

Examining the units on the right hand side, we note that

[E0] = ML2T−2

[ρ0] = ML−3

[t] = T,

where M indicates units of mass, T indicates units of time, and L indicates units
of length. Thus we have

[AEα
0 ρ

β
0 t
η] = Mα+βL2α−3βT−2α+η.

The quantity on the left-hand side obviously has units of L, so we must have
α + β = 0, 2α − 3β = 1, and −2α + η = 0. This is three equations in three
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unknowns; the solution is α = 1/5, β = −1/5, η = 2/5. Thus we have

Rs = A

(
E0

ρ0

)1/5

t2/5.

We can non-dimensionalize the fluid dynamics equations by rewriting all the quan-
tities we in terms of ρ0, Rs, and t. We let

x =
r

Rs(t)

ρ(r) = ρ0f(x)

v(r) =
Rs

t
g(x)

P (r) =
ρ0R

2
s

t2
h(x).

Substituting into fluid dynamics equations reduces them to a set of coupled or-
dinary differential equations for f(x), g(x), and h(x), which may be integrated
numerically. This describes the evolution of the supernova remnant in time during
the Sedov-Taylor phase.

The exact result gives A = 1.152, and scaling relations for the shock radius and
velocity, and the temperature just behind the shock:

Rs = 5.0E
1/5
51 n

−1/5
0 t

2/5
3 pc

vs = 1950E
1/5
51 n

−1/3
0 t

−3/5
3 km s−1

Ts = 5.25× 107E
2/5
51 n

−2/5
0 t

−6/5
3 K,

where t3 = t/103 yr.

C. The radiative transition

The Sedov-Taylor solution for the SNR applies as long as the explosion conserves
energy – the assumption that the gas is adiabatic is equivalent to assuming that
the only way for the gas to lose energy is by doing work on the ambient medium.
However, as the gas expands and time passes, radiative cooling becomes signifi-
cant, and the assumption of adiabaticity begins to fail.

We can estimate when this happens from our knowledge of how hot gas cools.
For simplicity we will adopt our rough powerlaw fit to the cooling function from
105 − 107.3 K:

Λ = CT−0.76 nenH,

with C = 1.1 × 10−22 erg cm3 s−1. Since the temperature falls below 107.3 K
fairly early in the evolution, we won’t bother with the other branch of the cooling
function. The temperature within the remnant is

T (r) =
P (r)

ρ(r)k/m
=
R2
s

t2
m

k

h(x)

f(x)
≡ Tsj(x),
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where j(x) is another dimensionless function.

The rate of radiative energy loss is simply the integral of the cooling function over
the volume of the supernova remnant:

dE

dt
= −

∫ Rs

0

4πr2Λ dr

≈ −4π

3
(1.2C)n2

0T
−0.7
s,6 R3

s

∫ 1

0

3x2f(x)2j(x)−0.7 dx,

where Ts,6 = Ts/106 K, and the factor of 1.2 comes from the electrons contributed
by elements other than H. The dimensionless integral can be evaluated numerically
given the Sedov-Taylor blast wave solution, and turns out to be 1.82. Given this
result, we can compute the total energy radiated by the SNR up to time t:

∆E = −(1.2× 1.82)C
4π

3
n2
0

∫ t

0

R3
s(t
′)T−0.7s,6 (t′) dt′

= −2.18C
4π

3
n2
0Rs(t)

3T−0.7s,6 (t)

∫ t

0

(
t′

t

)6/5
[(

t′

t

)−6/5]−0.7
dt′

= −2.4× 10−6n1.68
0 E−0.6851 t3.043 .

The supernova ceases to be adiabatic once ∆E is comparable to E0. A rough
delineation is that the Sedov-Taylor, adiabatic phase ends when ∆E/E0 ∼ −1/3,
i.e. when 1/3 of the initial supernova energy has been radiated away. The and
radius at which this occurs are

trad = 49.3× 103 yr E0.22
51 n−0.550

Rrad = 23.7 pc E0.29
0 n−0.420 .

D. The snowplow phase

When radiative cooling kicks in, the temperature behind the shock drops, and
the shock briefly stalls. However, the swept-up shell of material still carries non-
trivial momentum, and continues to expand and sweep up material. This is called
the snowplow phase.

Moreover, the radiative cooling does not affect all gas in the SNR interior equally.
Radiative cooling is strongest near the shell, where the density is high, and weakest
deep in the SNR interior, where it is low. As a result, there is little radiative energy
loss for the gas in the deep interior, which continues to evolve almost adiabatically
and exert pressure on the shell.

We can approximate this behavior as follows. We let Ms be the mass of the swept-
up shell at the time of the radiative transition, and we let P0 be the pressure in
the interior at that time. Since the gas in the non-radiative interior is adiabatic,
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its pressure evolves so as to keep PV γ constant. Thus we have

P (t) = P0

(
Rs(trad)

Rs(t)

)3γ

= P0

(
Rrad

Rs

)5

,

assuming that the gas in the interior is monatomic.

Momentum conservation for the shell requires that its momentum change at a
rate that is equal to the force exerted by the gas in the SNR interior. Thus we
have

d

dt
(Msvs) ≈ 4πR2

sP = 4πP0R
5
radR

−3
s .

The swept-up mass varies as R3
s once the shell has expanded significantly com-

pared to its radius at the radiative transition, so we can find a similarity solution
in this phase exactly as we did for H ii regions. We let Rs = Rrad(t/trad)η, so we
have

Ms = Mrad

(
Rs

Rrad

)3

= Mrad

(
ts
trad

)3η

vs =
d

dt
Rs =

Rrad

trad

(
ts
trad

)η−1
Letting τ = t/trad, and rewriting the equation in terms of τ , we have

MradRrad

t2rad

d

dτ
(τ 4η−1) = 4πP0R

2
radτ

−3η.

Since we must have the same power of τ on both sides, this requires that

4η − 2 = −3η =⇒ η =
2

7
.

Thus we have

Rs ≈ Rrad

(
t

trad

)2/7

vs ≈
2

7

Rrad

trad

(
t

trad

)−5/7
= 130 km s−1E0.07

0 n0.13
0

(
t

trad

)−5/7
Note that this is exactly the same solution as for D type H ii regions, except that
for H ii regions, except that in the H ii region case the gas is isothermal, γ = 1,
and the density drops due to ionization balance, whereas here the gas is adiabatic
and the pressure and density drop due to adiabatic expansion.

E. Merger

At the radiative transition, the expansion speed is about 130 km s−1, which is large
compared to the sound speed in the surrounding gas. Thus the expanding shell
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still produces a shock. However, as the expansion continues, the velocity drops.
Once it is comparable to the sound speed in the ambient medium, the snowplow
solution no longer applies, because we can no longer neglect the pressure of the
ambient gas in the momentum balance. At this point the pressure of the ambient
gas will convert the shock into a sound wave.

The evolution thereafter depends in detail on the ambient medium, but we can
sketch it out. In the idealized case of a uniform medium, the sound wave would
simply propagate off to infinity at the ambient sound speed. The overdense shell
would gradually expand to reach pressure balance with the gas around it, and
eventually the medium would become uniform again.

In the real ISM, where the ambient medium is moving around at speeds com-
parable to the sound speed, the shell is likely to disappear as a coherent entity
much more quickly. Regions where the ambient flow happens to be toward the
shell center will break through the expanding shell wall, and before long the am-
bient turbulence will mix shell and ambient material. The shell’s kinetic energy
will be added to that of the ambient medium, and it will merge with the general
turbulent motion of the gas.

The time at which this happens is simply the time when the expansion velocity
drops to the sound speed cs:

cs ≈
2

7

Rrad

trad

(
tmerge

trad

)−5/7
.

Solving, we obtain

tmerge ≈ 1.9× 106 yr E0.32
51 n0.37

0 c
−7/5
s,6

Rmerge ≈ 67 pc E0.32
51 n−0.370 c

−2/5
s,6 ,

where cs,6 = cs/106 cm s−1.
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