
Astronomy 230: Diffuse Matter in Space

Class 17 Notes: Molecular Gas: The Atomic to Molecular Transition

We now turn our attention to the densest phase of the ISM: molecular gas. This is a huge
topic, because the molecular phase is the one that makes stars, and there is an entire class
dedicated to star formation. For this reason we will just focus in this class on the place of
molecular in the larger ISM, with only a brief nod to its role in star formation. We will
start today with a discussion of how H2 and CO, the second most important molecule in
molecular clouds, forms in the ISM.

I. H2 formation mechanisms

A. Gas phase

Forming H2 from two hydrogen atoms turns out to be extremely difficult, for the
same reason that the H2 molecule is such a weak radiator. Forming H2 from
two free hydrogen atoms requires that the 4.5 eV binding energy be carried off
somewhere. However, the symmetry of the two-hydrogen system means that there
is no electric dipole moment, so that there is no dipole radiation to carry away
excess energy. Quadrupole radiation is possible, but is much weaker, so that the
rate of the reaction

H + H→ H2 + hν (1)

is so low as to be negligible.

Instead, another mechanism is required to form H2 in gas. If the density is
sufficiently high then a three-body reaction is possible:

3H→ H2 + H. (2)

In this case the remaining hydrogen atom carries away the excess energy as ki-
netic energy. However, since this is a three-body reaction, the rate varies as n3.
At interstellar densities this generally means the reaction is too slow to matter,
although this reaction can be significant in denser environments such as proto-
planetary disks.

Instead, in the gas phase the main formation mechanism for H2 is via what is
known as the H− channel, which relies on the presence of free electrons in the gas
to act as a catalyst. This is a two-step reaction:

H + e− → H− + hν (3)

H− + H → H2 + e− (4)

In the first step, the H captures a free electron and radiates away excess energy –
the H− binding energy is 0.77 eV (Weisner & Armstrong 1964). Since the system
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is not symmetric, dipole radiation is possible, and the rate coefficient, while not
particularly high, is not terribly low either: k− ≈ 1.1× 10−16T 0.88

2 cm3 s−1, where
T2 = T/100 K (Glover & Abel 2008; Draine gives a slightly different fit, but they
agree within the uncertainties.) In the second step, the H− interacts with neutral
hydrogen to form H2, and the excess binding energy goes into kinetic energy of
the recoiling free electron. The rate coefficient is k2 ≈ 1.3× 10−9 cm−3 s−1. Note
that this is temperature-independent, because it is an ion-neutral reaction. This
rate coefficient is also uncertain by at least a factor of 2.

The efficiency of this reaction depends on two factors. One obvious one is the
availability of free electrons to act as catalysts. The second is the branching ratio
for H− to be destroyed by forming H2, rather than via a variety of other processes.
H− is quite fragile, can be destroyed by neutralization with H+ or with some other
positively charged species, or by photodetachment:

H− + H+ → 2H (5)

H− + X+ → H + X (6)

H− + hν → H + e− (7)

The rate coefficients for the first two reactions are 6.9 × 10−7T
−1/2
2 cm3 s−1 and

roughly 4×10−7T
−1/2
2 cm3 s−1. For the third reaction, the rate for the Milky Way

interstellar radiation field is 2.4 × 10−7 s−1. At low densities in predominantly
neutral gas, where n(H+) and n(X+) both tend to be <∼ 0.01 cm3, the third
process, photodetachment, is the most important.

In comparison to this, the rate of H− destruction via H2 formation is roughly
1.3 × 10−9nH s−1. Thus at typical CNM densities of nH ∼ 1, the rate of pho-
todetachment is larger than the rate of H2 formation by about two orders of
magnitude, and only about 1 in 100 H− ions produce a hydrogen molecule. Thus
the H2 formation rate via the H− channel is doubly limited – first by the small
supply of free electrons to make H−, and second by the inefficiency of turning H−

into molecular hydrogen.

B. Grain-catalyzed H2 formation

In primordial gas where there are no metals, there is no alternative to H2 formation
via the H− channel, and as a result significant amounts of H2 tend not to build up
until gas becomes extremely dense. In the present-day universe, however, there
is a vastly more efficient way of forming H2. The reaction can be catalyzed by
dust grains instead of by electrons. Indeed, the fact that the surface-catalyzed
reaction is so much faster than the gas phase one is part of the reason that the
rate coefficients for the gas phase reaction are so uncertain. It is extemely hard
to measure them experimentally, because in an experimental vessel containing
atomic hydrogen, the formation of H2 molecules is almost always dominated by
formation on the walls of the vessel rather than in the gas phase, making the gas
phase rate very tricky to measure.
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The physical process is as follows: when an H atom approaches a dust grain, it is
attracted to the grain as a result of van der Waals forces. This may cause it to
become weakly bound, and in this state it can migrate across the grain surface.
As it does do it may eventually migrate to a site where it can lodge and become
trapped, such that thermal fluctuations are unable to let it escape. In this manner
grains become hydrogenated and acquire a large number of weakly bound H atoms
on their surfaces. If a new H atom arrives and begins this migration process, it
may encounter one of the trapped H atoms already on the surface before becoming
trapped itself. At this point, the two H atoms can react to form H2. Some of the
excess 4.5 eV goes into ejecting the newborn H2 molecule from the grain surface,
and the rest goes into heating the dust grain.

Let us estimate the rate at which this process manufactures H2. This has two
parts. First we must compute the rate per unit volume at which H atoms col-
lide with dust grains. This is given by the usual expression for neutral-neutral
collisions,

Γ = nH0ngr

(
8kT

πmH

)1/2

σgr, (8)

where σgr is the cross-sectional area of a grain, which we have taken to be much
larger than the cross-sectional area of the H atom. We have also taken the grain
mass to be much larger than the H mass. Here nH0 is the number density of
hydrogen atoms.

Since grains of different sizes have different cross sections, we must average over
the grain size distribution. Thus the total collision rate is

Γ = nH0ngr

(
8kT

πmH

)1/2 ∫
dngr

da
πa2 da, (9)

where dngr/da is the grain size distribution and πa2 is the cross section for a grain
of radius a. For convenience we define

Σgr =
1

nH

∫
dngr

da
πa2 da (10)

to be the total grain geometric cross section per H nucleon. Note that nH here is
the number density of H nuclei, without regard to whether they are in the form
of H i or H2. With this definition the collision rate is

Γ = nH0nH

(
8kT

πmH

)1/2

Σgr. (11)

The observed UV extinction curve implies Σgr
>∼ 10−21 cm−2 in the Milky Way,

although it could be much larger if there are enough very small grains.

The second part of this is the temperature-dependent probability that an H atom
that collides with a dust grain sticks to it, S(T ), and that such a stuck H atom
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will depart by forming H2 rather than being unstuck by a photon or by a thermal
fluctuation in the grain, εH2 . Both of these are, of course, to be averaged over the
grain size distribution. With these definitions, the rate of H2 formation, in units
of number of H2 molecules per unit time per unit volume, becomes

dnH2

dt
= RgrnHnH0 Rgr =

1

2

(
8kT

πmH

)1/2

ΣgrεH2S(T ). (12)

The factor of 1/2 arises because only one H2 molecule is produced per two H
atoms that stick and combine.

The values of S(T ) and εH2 can be calculated from chemical models or measured
experimentally. Models for S(T ) are given in Hollenbach & McKee (1979), and
ones for εH2 are given in Cazaux & Tielens (2002). Using their best fit values plus
Milky Way dust abundances gives Rgr ≈ 3× 10−17 cm3 s−1 at T = 70 K, which is
consistent with rates determined observationally via UV absorption spectroscopy
to determine H2 abundances in the Galaxy.

II. H2 photodissociation

The main process by which H2 is destroyed is photodissociation:

H2 + hν → 2H. (13)

Sufficiently energetic photons can knock one of the electrons off, but H+
2 is still bound

(2.65 eV), so this does not dissociate the molecule. Instead, photodissociation occurs
by resonant absorption of photons in what are called the Lyman and Werner bands.

The process is as follows: we start with an H2 molecule in the ground electronic
state that has vibrational and rotational quantum numbers v and J , which we denote
X(v, J). There are no allowed electric dipole transitions between this state and other
ground electronic states, but there are allowed dipole transitions between this state
and excited electronic states. They are allowed because the excited electronic states
are not symmetric, so they have non-zero dipole moment. Because these transitions
are allowed, the absorption cross sections associated with them are very large.

Transitions from X(v, J) to the first excited electronic state, which we denote B(v′, J ′)
(with v′ and J ′ being the vibrational and rotational quantum numbers in this electronic
state) are called Lyman band transitions. Those from the ground electronic state to
the second excited electronic state C(v′, J ′) are called Werner band transitions. These
are bands because they consist of a very large number of lines, one corrsponding to
each (v, J) → (v′, J ′) pair. The wavelengths of these lines are around 912 − 1100 Å,
corresponding to an energies of 11− 13.6 eV.

The excited molecule is then free to decay via an allowed dipole transition back to the
electronic ground state. Usually this decay goes to a state X(v′′, J ′′), where v′′ and
J ′′ are the rotational and vibrational quantum numbers of the de-excited molecule.
However, on occasation the decay goes back to the vibrational continuum of the ground
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electronic state, meaning the that molecule is unbound – there is plenty of energy
available to make this happen, since the ground vibrational continuum is 4.5 eV above
ground, while the excited electronic states are 11−13 eV above ground. The probability
of this happening is different for every excited state B(v′, J ′) or C(v′, J ′).

The total dissocation rate is therefore given by computing the rate of radiative excita-
tion to an upper state u, multiplying by the probability that a molecule excited into
this state dissociates, and summing over all upper levels:

ζdiss =
∑
u

πe2

mec2h
f`uλ

3
`uuλ`updiss,u, (14)

where f`u is the oscillator strength of a particular transition to state u, λ`u is the
wavelength for that transition, uλ is the ambient radiation field, and pdiss,u is the
dissociation probability for state u. The total photoexcitation rate is given by the
same expression without the pdiss,u factor. For the background Milky Way interstellar
radiation field and H2 molecules in the (v, J) = (0, 0) state, ζdiss ≈ 4 × 10−11 s−1.
The photoexcitation pumping rate ζpump ≈ 3.1 × 10−10 s−1, so the mean dissociation
probability is 〈pdiss〉 ≈ 0.13, where the angle brackets indicate an average over all upper
states u, weighted by the rate of photoexcitation into each of those states.

III. Equilibrium H2 abundances

A. Abundances without attenuation

The steady state abundance of H2 is determined by balance the destruction rate
against the formation rate:

ζdissnH2 = RgrnH0nH. (15)

Thus the equilibrium ratio of H2 to H i is

nH2

nH

=
RgrnH0

ζdiss
= 2.3× 10−5

nH0

30 cm−3
Rgr

3× 10−17 cm3 s−1
4× 10−11 s−1

ζdiss
. (16)

We see that for our fiducial ISM values the equilibrium abundance of H2 is very
low.

B. Self-shielding

Why, then, is there any appreciable amount of H2 at all in the ISM? The answer
is that there are places where the radiation field has a value far below its mean
interstellar value. In places where the column density of material is sufficiently
high, the gas can absorb enough dissociating radiation for the dissociation rate to
fall low enough for most hydrogen to be in the form of H2.

As a simple setup, consider a beam of radiation traveling in the +x direction
entering a slab of hydrogen in the right half-plane x > 0. Within the slab at point
x the gas is a mixture of atomic and molecular hydrogen, with the fraction in
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each phase determined by balancing the rates of formation and destruction as we
have just done. We let

N(H2(v, J), x) =

∫ x

0

n(H2(v, J)) dx (17)

be the column density of H2 molecules in the rotational-vibrational state (v, J) of
the ground electronic state from the surface of the slab up to position x within it.

Now consider photons entering the slab that can excite molecules in state (v, J)
into an excited electronic state with ro-vibrational sub-state (v′, J ′), from which
the molecule can dissociate. Let λ`u be the wavelength for these particular pho-
tons. As the photons travel through the slab, they are resonantly absorbed by
molecules in the lower state, and as a result the beam of radiation is attenuated.

Consider a section of the slab of thickness dx, through which the optical depth is
dτλ. Let Fλ the radiation flux that enters this section from the left, and let Fλ+dFλ
be the flux that exits it on the right, where dFλ = −Fλ dτλ. The decrease in flux
is due to absorptions. The rate per unit area at which energy is absorbed is −dFλ,
so the rate at which photons are absorbed is −dFλ/(hc/λ) ≈ dFλ/(hc/λ`u), where
make the very good approximation that most absorptions occur close enough to
line center so that λ ≈ λ`u. Thus must match the rate at which H2 molecules are
pumped by photons of wavelength λ, and if we integrate over all frequencies this
must give the total pumping rate within the slab:

excitations cm−2 s−1 =

∫ (
− dFλ
hc/λ`u

)
dλ =

λ`u
hc

∫
Fλ dτλ dλ. (18)

To get the pumping rate per H2 molecule in the (v, J) state, we simply divide this
by the number of molecules per cm−2 in the slab, n(H2(v, J)) dx:

ζpump,`→u =
λ`u
hc

∫
Fλ

1

n(H2(v, J))

dτλ
dx

dλ =
λ`u
hc

∫
Fλ

dτλ
dN`

dλ, (19)

where for brevity we define N` = N(H2(v, J), x) as the column density of H2

molecules in state (v, J) up to point x.

It is convenient to rewrite this in terms of an equivalent width. Recall that, if
we have an unattenuated flux Fλ(0) entering the slab, and within it the flux is
reducted to an amount

Fλ = Fλ(0)e−τλ , (20)

then we define the equivalent width by

W`u =

∫ (
1− e−τν

) dν
ν`u

=

∫ (
1− e−τλ

) dλ
λ`u

. (21)

Differentiating both sides with respect to N`, we have

dW`u

dN`

=

∫
e−τλ

dτλ
dN`

dλ

λ`u
=

1

Fλ`u(0)λ`u

∫
Fλ

dτλ
dN`

dλ, (22)
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where we have assumed that external radiation field Fλ(0) ≈ Fλ`u(0) is nearly
constant with wavelength across the narrow width of the line. Thus we can write

ζpump,`→u =
λ2`uFλ`u(0)

hc

dW`u

N`

=
λ2`uuλ`u(0)

h

dW`u

N`

, (23)

where uλ = Fλ/c is the energy density of radiation beam.

In the optically thin limit recall that W`u = (πe2/mec
2)f`uλ`uN`, and we generally

normalize dW`u/dN` to its optically thin value. We define

fshield,`u =
dW`u/dN`

(πe2/mec2)f`uλ`u
, (24)

so that

ζpump,`→u =
πe2

mec2h
f`uλ

3
`uuλ`ufshield. (25)

The function fshield is always less than unity, because the equivalent width only
grows linearly with total column density in the optically thin limit. In both the
flat and damped parts of the curve of growth, it grows slower than linearly.

Comparing this to the pumping rate we computed before for a single lower state
` to a single upper state u in the absence of attenuation,

ζpump,`→u(0) =
πe2

mec2h
f`uλ

3
`uuλ`u(0), (26)

we see that that the pumping rate has been reduced by a factor fshield. The
dissociation rate is therefore reduced by the same factor. This is why fshield is
called the shielding function: it is simply the factor by which the dissociation
rate has been reduced by photon absorptions. This phenomenon is called self-
shielding, because all the absorptions are coming from H2 molecules themselves.
It is important to note that fshield has a particular value for each possible transition
` → u; different transitions with different values of f`u and wavelength λ`u will
have different values of fshield at the same point in the cloud.

Our calculation thus far omits two complications. The first is easy to remedy:
in addition to being absorbed by H2 molecules, self-shielding, photons can be
absorbed by dust grains. This effect is easy to include. Since the Lyman-Werner
bands are fairly narrow in wavelength, one can reasonably treat the dust opacity
as constant across them. Thus dust simply provides extra attenuation in addition
to that provided by self-shielding, reducing the pumping rate by a further factor
e−τd , where τd is the dust optical depth to a given point in a cloud.

The second omission is that we have implicitly assumed that we can compute the
equivalent width for each `→ u transition separately. However, this ceases to be
the case as one moves further into the cloud, because the transitions are closely
spaced in wavelength. Once one gets out of the optically thin part of the curve of
growth and into the flat and damping parts, the lines start to overlap and shield
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one another. This effect must be handled by a brute-force numerical calculation,
which is exactly what one of our papers for this week, Draine & Bertoldi (1996),
reports. They provide an approximate value for fshield,diss, the shielding function
averaged over all lines capable of producing dissociations, so that one may write
the total dissociation rate as

ζdiss = ζdiss,0fshield,disse
−τd , (27)

where ζdiss,0 is the dissocation rate for molecules exposed to the unattenuated
interstellar field.

C. H2 abundances with self-shielding

We haven’t fully solved the problem of determining the H2 abundance including
self-shielding effects yet. Even if we know the function fshield perfectly, fshield is a
function of N(H2), the total H2 column density – but of course to know the H2

column density one needs to know the H2 volume density at every point, which
means one needs to know the dissociation rate at that point, which of course
depends on fshield.

In one dimension, formally we can write the problem as follows, following a method
proposed by Sternberg (1988). Consider a section of a slab of thickness dx again,
within which the number densities of H i and H2 are n1 and n2. The total
number density of H nuclei is n = n1 + 2n2. Up to that point in the slab, the
column densities of H i and H2 are N1 and N2, and the dust optical depth is
τd = σd(N1 + 2N2), where σd is the dust cross section per H nucleus.

Within this section of the slab, the rate of H2 formation is

dn(H2)

dt
= Rgrnn1, (28)

and the rate of H2 destruction by photodissociation is

dn(H2)

dt
= −ζdiss,0f(N2)e

−σd(N1+2N2)n2, (29)

where for brevity we have omitted the subscript on the shielding function f , and
ζdiss,0 is the dissocation rate at the slab surface where the radiation is unattenu-
ated.

In equilibrium the two rates must balance, so we have

Rgrnn1 = ζdiss,0f(N2)e
−σd(N1+2N2)n2. (30)

Multiplying both sides by the slab thickness dx, we obtain

Rgrn dN1 = ζdiss,0f(N2)e
−σd(N1+2N2) dN2. (31)

The equation can be solved by separation of variables:

eσdN1 dN1 =
ζdiss,0
nRgr

f(N2)e
−2σdN2 dN2 =⇒ N1 =

1

σd
ln

[
ζdiss,0
nRgr

G(N2) + 1

]
,

(32)
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where

G(N2) =

∫ N2

0

σdf(N ′2)e
−2σdN ′

2 dN ′2. (33)

The constant of integration has been chosen so that N1 = 0 at the point where
N2 = 0.

For a known shielding function f(N2), dust cross section per H nucleus near 1000
Å, and ambient dissociating radiation field, one can evaluate G(N2) numerically,
and then use the solution we just obtained to solve for N1. This tells us what
H i column density N1 is required to produce a given H2 column density N2. The
general result is that, for Milky Way conditions, the gas becomes predominantly
molecular once the H i column density exceeds around 1021 cm−2, corresponding
to a mass column density around 10 M� pc−2.

Of course we have simplified greatly by assuming a beam of radiation striking a
slab, effectively rendering the problem one dimensional. Even going into spherical
geometry, where the problem becomes two-dimensional (radius plus one angle to
describe the radiation field) greatly increases the complexity. The spherical case
can be approximated analytically (which is the subject of our second paper for this
week, by Krumholz, McKee, & Tumlinson 2008), but for more general geometries
one is generally reduced to a brute force integration of the equations of radiative
transfer and chemical equilibirum.

IV. The CO molecule

A. Observational importance

Thus far we have focused on H2, but as we have discussed earlier, H2 is a very
poor radiator due both to its symmetry and the small masses of the protons. The
lowest excited state is the J = 1 rotational state of the ground electronic and
vibrational states, and it lies 171 K above ground due to the low proton mass.
The typical temperature in molecular clouds is ∼ 10 K, as we will see, so very
few molecules are excited into that state.

Even worse, transitions of H2 with ∆J = 1 are strongly forbidden, and can occur
only if a nuclear spin flip occurs at the same time as the emission. This is so rare
as to be unobservable. Instead, the lowest energy transition is the J = 2 → 0,
and the J = 2 state is 511 K off ground. The Boltzmann factor for the J = 2
state in 10 K gas is e−511/10 ≈ 10−22, so this transition is never seen either.

This leaves absorption spectroscopy using the Lyman and Werner bands as the
only way of observing H2 directly at typical molecular cloud temperatures. This
is possible only in very limited cases, and even then it yields very limited infor-
mation. First of all, the techniques is possible only along special sightlines where
there is a bright background star to use as a source, and only in the most diffuse
regions of molecular gas. As we will see later, most molecular gas is found in re-
gions where the column density is sufficiently high that the visual extinction is at
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least ∼ 5 magnitudes, making the UV spectroscopy necessary for this technique
impossible.

Moreover, even if absorption spectroscopy were possible in these regions, we have
already seen that regions where the gas is mostly H2 are places where the LW
absorption bands are completely saturated and lie on the damped part of the
curve of growth. This is not a problem for atomic hydrogen, where we can learn a
lot from the damping winds, but for H2 the situation is complicated because the
damping wings from different transitions start to overlap. This makes interpre-
tation of the measurements much tricker than for Lyman α. As a result of these
limitations, absorption spectroscopy is useful only in regions where the molecular
fraction is relatively small and the H2 column density is small.

Instead, we are generally forced to use proxies that are found in the same place as
H2, of which CO is the most prominent. CO is relatively abundant since C and
O are common nuclei, and it has a non-zero dipole moment, so it can undergo
∆J = 1 rotational transitions. Moreover, the larger masses of the C and O nuclei
reduce the energy of the first excited state to only 5.5 K. The first few rotational
transitions of CO are the main technique used to observe molecular clouds.

B. Formation

CO and H2 coexist for reasons related both to the formation and destruction
mechanisms of CO. On the formation side, CO forms by a somewhat different
mechanism than H2, since it doesn’t have the symmetry problem that prevents
gas phase reactions from occurring. Instead, CO forms mainly through a gas-
phase channel that is driven by ion-neutral reactions. These have temperature
independent rate coefficients ∼ 10−9 cm3 s−1, so even in cold clouds they occur
fairly quickly.

These reactions, however, depend on the presence of H2. The main catalyst to
CO formation is OH, which itself forms via reaction chains such as

O+ + H2 → OH+ + H (34)

OH+ + H2 → OH+
2 + H (35)

OH+
2 + H2 → OH+

3 + H (36)

followed by

OH+
2 + e− → OH + H (37)

OH+
3 + e− → OH + (H2 or 2H). (38)

Thus H2 is needed to synthesize OH. Once OH is present, CO can be synthesized
from C+ via

C+ + OH → CO+ + H (39)

CO+ + H2 → HCO+ + H (40)

HCO+ + e− → CO + H, (41)
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or from neutral carbon via

C + OH→ CO + H. (42)

Thus one must have H2 to make CO. Other reaction chains to form CO are also
possible (Draine discusses one example), but they also rely on the presence of H2.

H2 is also important to protecting CO from photodissociation by the interstellar
radiation field. CO can be dissociated in much the same way as H2: UV pumping
to an excited electronic state, followed by a de-exictation that leaves the molecule
in the vibrational continuum of the ground electronic state. Much like H2, the
unattenuated intserstellar radiation field provides more than enough photons to
prevent appreciable levels of CO from forming, so CO exists only where the ISRF
is blocked.

The CO binding energy is 11.09 eV, whereas the Lyman and Werner bands run
from 11.2−13.6 eV. Thus many photons capable of dissociating CO are blocked by
the Lyman and Werner bands of hydrogen. Dissociating photons penetrate only
where the LW bands have gaps. For CO to exist, these gaps have to be blocked
as well. Self-shielding for CO is not very important because its abundance is so
much lower than that of H2, so the last gaps generally have to be blocked by dust
absorption instead.

Thus for reasons of both formation and destruction, the region where CO exists
is always interior to the region where H2 exists, with the size of the region where
most hydrogen is H2 but most C is not yet in CO depending on the dust abundance
in the gas. In the Milky Way the gap is relatively small; detailed models suggest
that the H i → H2 transition occurs at a column density corresponding to a
visual extinction of AV ≈ 0.4 (Krumholz, McKee, & Tumlinson 2008), whereas
the transition to CO occurs at AV ≈ 1.4 (van Dishoeck & Black 1988). In contrast,
we will see that molecular clouds have mean AV ≈ 5, so most of the volume is
occupied by gas where CO is molecular. In lower metallicity galaxies, however,
this need not be the case, and there is good evidence for large regions of molecular
hydrogen devoid of CO. We have no easy method for studying these regions of
“dark gas”.
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